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Abstract

Properties of the simulated AGN activity function in isolated galaxy mergers

by Maan H. Hani

Numerical modeling of active galactic nuclei (AGN) poses many challenges, from
uncertainties about the underlying physics to dynamic range issues. We present a
study of simulated activity functions (AF; the differential of the amount of time
spent by a black hole above a given Eddington ratio) in simulations of mergers of
Milky-Way like galaxy models using seven different BH feedback algorithms, accretion
algorithms, and initial conditions. When considered over the entire simulation the
simulated AFs are more dominant at high Eddington ratios than observationally
(Schechter-type) inferred AFs. However, during passive evolutionary stages there
is considerably closer agreement with observational results. We also demonstrate
that two separate algorithms produce AFs which are approximately mass invariant,
in agreement with observations. Lastly, we show that numerical uncertainties in AFs
and other properties of the remnant such as black hole mass, star formation rates,
and accretion rates, are well below a factor of two.

Aug 25, 2015
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Chapter 1

INTRODUCTION

In the past century, the study of cosmological structure formation and evolution has
emerged as an established field of astrophysics. Since the Great Debate (Shapley-
Curtis Debate) in May of 1921, followed by Edwin Hubble determining the distance
to M31 (Hubble 1929), a vast legacy of research has been accumulated. Thanks to
this research, our understanding of the formation of structure and its evolution has
been remarkably enhanced.

Galaxy formation and evolution can best be understood by dividing them
into two separate stages. Although such a separation may be somewhat unnatural,
it provides valuable insight into the physics and processes that affect the formation
and evolution of galaxies. We first examine the formation of structure from minuscule
inhomogeneities in the early universe (observed in the Cosmic Microwave Background
Radiation) in section 1.1.3 and then discuss the processes that affect galaxy formation

and evolution in sections 1.2 and 1.3.

1.1 STRUCTURE FORMATION

Developing a precise understanding of the origin and evolution of structure is one of
the most important issues in modern astrophysics. Observations provide strong evi-
dence that present day structures evolved from a nearly homogeneous early universe.
However, there remain many unanswered questions as to what happened between that
nearly homogeneous state and today. Therefore, the understanding of the formation
and evolution of structure, requires a detailed knowledge of the early universe as well

as the physics governing its evolution.



1.1.1 FRIEDMANN’S EQUATION

The theory of General Relativity has had an enormous impact on our understanding of
the evolution of the universe. Einstein’s field equation describes the relation between

spatial geometry and mass-energy; it is written as

8tG
g/ﬂ/ = __47:uu (11)

C

where G is Newton’s gravitational constant, 7 is the stress-Energy tensor which eval-
uates the effect of a given mass-energy distribution on the nature of space time, and
G is the Einstein tensor. The field equation can be thought of as the relativistic
equivalent of Poisson’s equation in Newtonian mechanics, and in the so-called weak

field limit, reproduces Poisson’s equation.

By imposing the Cosmological Principle, that the universe is isotropic and
homogeneous, and then solving Einstein’s field equation, one can derive a relationship
that describes the evolution of the universe. This relationship is known as Friedmann’s

equation and can generally be expressed as (e.g. Ryden 2003):

N2
a 87 ke 1
) - P 1.2
(a) 3c? «(t) R? a(t)?’ (12)

where Ry is the radius of the curvature of the universe, a is the scale factor of the

universe, and ¢ is the cumulative energy density contribution of matter, radiation and
vacuum (€ = €,, + €, + €5 ). K is a parameter describing the geometry of the universe:
it can take values of 1, 0, or -1 corresponding to a closed, flat or open universe,
respectively.

Introducing three new parameters, one can arrive at a more useful form of the

equation. Define the Hubble parameter H such that:

() = 40 (1.3)



and, by association, the critical density €. for which x = 0 such that:

3c2H(t)?
)= —"7 1.4
Let the dimensionless density {2 be defined as:
(1) = <) (1.5)

where i represents different components of the universe (radiation, matter, vacuum).
Substituting the dimensionless density and the Hubble parameter into equation

1.2, Friedmann’s equation® can be rearranged into the following unit-less form:

(H(t)>2 Qo Qo 1 - (1.6)

— 010 )
H, a0 ap M e

where Hy = H(tg) is the Hubble constant in today’s universe, Qo = Q,,,(to) + Q,.(to) +
Qa(to), and the curvature of the universe (k) is expressed in terms of the total energy
density.

In this form, Friedmann’s equation expresses the global change in the scale
factor of the universe as a function of time and energy density. The change in the scale
factor is an important quantity which is to be considered when studying structure

formation and evolution; it is also used as a key parameter in cosmological simulations.

1.1.2 THE ACDM UNIVERSE

Following Einstein’s and de Sitter’s work in 1917, Friedmann and Lemaitre proposed a
more generalized universe that consists of radiation, matter and the cosmological con-
stant (A). The Friedmann-Lemaitre universe can be reduced to the Einstein-deSitter
universe by ignoring the cosmological constant. In the past two decades, various ob-

servations have supported the Friedmann-Lemaitre universe by providing evidence?

!'Note that equation 1.6 explicitly assumes a Friedmann-Lemaitre universe which is considered
to be a good model of the universe we live in (see §1.1.2).

2Note that the initial evidence for dark matter predates the past two decades (see Rubin and
Ford 1970 and Rubin et al. 1978).



for dark matter and the cosmological constant. We next review the aforementioned
observational evidence and highlight some general facts about dark matter and the

cosmological constant.

Dark Matter

The observable universe is comprised of radiative baryonic matter in the form of
gas, dust, and stars. On galactic scales and larger, the observed baryonic matter
is believed to be embedded in dark matter halos that dominate the gravitational
potential (first postulated by F. Zwicky; Zwicky 1933, 1937). While the exact nature
of dark matter remains unknown, some of its basic properties are understood: dark
matter is collision-less matter that, in the current evolutionary epoch, only interacts
gravitationally with other matter.

The mass distributions inferred from observations and kinematic studies show
that large structures, such as galaxies and clusters of galaxies, significantly differ from
mass distributions of luminous matter (e.g. the Bullet Cluster). Rotation curves of
spiral galaxies also indicate that a significant fraction of the mass is unaccounted for
when only considering the luminous mass (e.g. van Albada et al. 1985; Rubin et al.
1978; Rubin and Ford 1970). Moreover, gravitational lensing studies conducted using
galaxy clusters show that the luminous mass (in galaxies and X-ray gas) represents
an insignificant fraction of the total mass of a given cluster (e.g. Subramanian et al.
1987).

Dark matter can be broadly categorized into two models, although there is ar-
guably a spectrum of possibilities including mixtures. The cold dark matter (CDM)
model considers dark matter to comprise non-relativistic, and gravitationally inter-
acting particles. The rival model, considers dark matter to be relativistic, at matter-
radiation decoupling, and it is known as the hot dark matter (HDM) model. Obser-
vations of structure formation favor models incorporating CDM (see §1.1.3). Note

that CDM is easily modeled within the Friedmann equation as pressure-less dust.



The Cosmological Constant (A)

The cosmological constant, first introduced by Einstein to allow for a static universe, is
now considered a necessary component of our universe. Various observations support
the need for a cosmological constant (e.g. Barrow and Saich 1993; Riess et al. 1998;

Perlmutter et al. 1999). Some of the main arguments are:

e Age calculations using a decelerating universe (matter only) yield an age (=

9 Gyr) lower than the age of the oldest stars (2 13 Gyr).

e The observed flatness of the universe is not possible when only considering
the observed matter density. Invoking the cosmological constant reconciles the

flatness problem.

e Supernovae (which can be used as “standard candles”) at high redshift appear
to be dimmer than what would be expected in a matter only (decelerating)

universe.

Taken together, the arguments/observations supporting CDM and the cosmological

constant are combined into the ACDM model.

1.1.3 FROM PERTURBATIONS TO STRUCTURE

Theoretical models can essentially trace the observed structure in today’s universe
back to slight inhomogeneities in the early universe (e.g. Springel et al. 2005b). These
density inhomogeneities are observed as temperature perturbations in the Cosmic
Microwave Background (CMB; figure 1.1) and can be described to high accuracy by
a Gaussian field. The CMB photons we observe date back to the era of recombination
when the temperature dropped sufficiently to make the early universe optically thin to
radiation less energetic than the ionization energy of Hydrogen®. The escaped photons
were then cosmologically redshifted from the high energies of the early universe to the

microwave frequencies that we observe today. As the universe continued to expand,

3Note that even after the universe is optically thin to some radiation, some wavebands are still
absorbed.



the inhomogeneities grew and acted as seeds for the observed structure in today’s
universe. The details of the evolution of the inhomogeneities are highly dependent

on the geometry and energy density of the universe.

Figure 1.1: Simulated WMAP Cosmic Microwave Background (CMB) map showing the slight
inhomogeneity of the early universe represented as small perturbations at the last scattering
surface (NASA-WMAP Science team, WMAP # 121238; used within the normal NASA Image
Use Guidelines).

Growth of Perturbations

One can gain significant understanding of the growth and evolution of structure in
today’s universe by examining the effects of expansion on a single perturbation. Con-
sider a spherical over-density, of radius R(t) surrounded by a uniform density? p(¢).

The density of the sphere can be expressed as:

p(t) = p(t) [1+ ()], (1.7)

where §(t) represents a perturbation. The acceleration of the growth of the sphere

can be expressed in terms of the density as follows (e.g. Ryden 2003):

R(t) _ —4nG

R = 3 PO 0], (1.8)

4Often called the “Swiss Cheese” model.



Imposing the principle of conservation of mass and noting that the scale factor, a(t),

~1/3

is proportional to p(t)~'/?, we can write (for small perturbations):

a(t) 1. 2a(t) . AnG
— — =0(t) — =—=90(t ——p(t) [1+0(t)] . 1.9
T 300 5 ) o A [+ () (19)
Subtracting the expansion of the background universe, % = —%ﬁ(t), the growth
of the perturbation can then be expressed as:
1. 2 : A
300 + SHD() o ”Tﬁ@)a(t), (1.10)

where H(t) is the Hubble parameter (see equation 1.3).

Radiation dominated universe \ Matter dominated universe® \ A dominated universe

Q,, <1 Q,,~1 Q,, <1
5(t) o< In(t) §(t) oc 123 o a(t) §(t) ~ constant

Table 1.1: The growth of over-densities in a flat single-component universe (solutions to
equation 1.10).
Equation 1.10 can be solved analytically for a flat, single-component universe
(the results are shown in table 1.1). Dark matter perturbations grow as described by
equation 1.10. However, the baryon-photon fluid oscillates about an equilibrium state
(due to gravity and pressure) until decoupling occurs when the baryons fall into the
dark matter potential wells and start forming structures while the photons escape.
This model explains the temperature fluctuations observed in the CMB as well as the

large scale structure observed today.

Heirarchical Structure Formation

Dark matter halos begin forming before any baryonic matter structure can. Therefore,
the formation of structure is explicitly dependent on the properties and structure of
dark matter. The two dark matter models, discussed in section 1.1.2, predict drasti-

cally different structure formation scenarios. Because of the relativistic nature of dark

SWhite (1993) showed, using a linear perturbation derivation, that perturbations in an Einstein
de Sitter universe grow proportional to the scale factor.
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matter particles in the HDM model, free-streaming of particles smooths small scale
fluctuations. Therefore, in an HDM universe, large structures such as super clusters
and galaxy clusters form first then fragment to form smaller structures (groups then
galaxies). This formation scenario is known as the top-down formation scenario. On
the other hand, in a CDM universe, structure forms in a hierarchical, bottom-up fash-
ion. The bottom-up scenario predicts small structures (galaxies) forming first then
combining to form larger structures (groups, clusters, and super clusters). Figure 1.2
depicts the bottom up formation scenario.

Observations favor the bottom-up scenario: Galaxies at high redshifts are
observed to be smaller than local galaxies. Also, galaxy clusters are not observed at
high redshifts. Moreover, mergers are observed to be more common at high redshift.
However, it is worth noting that the most massive and active systems at high redshift
have turned quiescent® while systems exhibiting less activity (less luminous systems)
are successively more dominant at lower redshifts (e.g. Ueda et al. 2003; Hopkins

et al. 2008; this is known as cosmic downsizing (see §1.2.3).

1.2 GALAXY EVOLUTION

A key part of understanding galaxy evolution is examining the different processes,

both environmental and internal, that can affect the evolution of the galaxy.

1.2.1 GALAXIES IN THEIR NATURAL HABITAT

Galaxies are often observed in groups or clusters. The environment a galaxy resides
in has a notable effect on its evolution. Various mechanisms have been proposed to
explain the effect of the environment on galaxy evolution. Below we provide a brief

list of those mechanisms:

i. Harassment: High speed galaxy encounters result in impulsive heating there-
fore increasing the internal energy of a galaxy. The galaxy becomes less bound

and more vulnerable to disruptions. This scenario is important in explaining the

60therwise the most massive and active galaxies would be forming today.
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Figure 1.2: A schematic representation of a merger tree depicting the growth of a halo (Lacey
and Cole 1993; used with the permission of C. Lacey).

ii.

iii.

iv.

transition of late-type spiral galaxies into dwarf ellipticals where the mass loss
and perturbation of stellar orbits becomes evident (e.g. Farouki and Shapiro

1981; Moore et al. 1998).

Cannibalism/Mergers: In this scenario, a massive galaxy can merge with a
less massive satellite galaxy resulting in a more massive galaxy. Note that for

merger ratios approaching unity, the interaction is referred to as a major merger.

Strangulation: In this scenario as the galaxy moves in a cluster, it interacts
with the intra-cluster medium which strips its gas halo causing a gradual decrease
in the star formation rate. With the decreasing star formation as there is no halo
gas to fuel further star formation, the galaxy becomes redder and fainter (e.g.

Larson et al. 1980).

Ram Pressure Stripping: Similar to the Strangulation scenario, interactions

with the intra-cluster medium strips the galaxy’s gas reservoir. In this case the

9



gas being stripped is from the gaseous disc. The effect is similar: The star
formation rates diminish. This scenario is consistent with observations showing
that star formation rates are lower in clusters (e.g. Gunn and Gott 1972; Abadi

et al. 1999).

v. Tidal Stripping: In this scenario, tidal forces during close galaxy fly-bys cause
smaller (less bound) galaxies to be stripped of their gas. This gas can be ac-
creted onto the more massive galaxy therefore replenishing its gas reservoir while

depleting the lower mass galaxy’s gas (Dekel et al. 2003; Diemand et al. 2007).

1.2.2 STAR FORMATION AND STELLAR FEEDBACK

Galactic evolution is strongly governed by the rate at which gas is converted into
stars as well as the evolution of the stellar population. Therefore, tracking the galac-
tic gas reservoir plays a vital role in understanding galaxy evolution. An important
factor that must be understood when considering galaxy evolution is star formation:
Star formation and stellar feedback directly influence the gas reservoir both deplet-
ing/repleting it while altering its overall properties. Supernovae (SN) explosions and
winds from Asymptotic Giant Branch (AGB) stars can compress a molecular cloud
inducing star formation (Kawata et al. 2014). Conversely, both SN explosions and
AGB winds can heat up the gas or eject the gas from the galactic disc therefore
hindering star formation (Oppenheimer and Davé 2006).

1.2.3 DOWNSIZING

Observations indicate that the most luminous and most active galaxies were
at redshift z ~ 2 (Shaver et al. 1996; Madau et al. 1996). At z ~ 2, galaxies hosted
the most active supermassive black holes (SMBHs) with masses Mgy ~ 10° M, (e.g.
Hasinger et al. 2005; Kriek et al. 2007; Hopkins et al. 2008), and exhibited the highest
star formation rates (e.g. Hopkins 2004 and references therein; Madau et al. 1996;
Behroozi et al. 2013; Bell et al. 2005). At lower redshifts, the most massive BHs start
to accrete at lower rates while the less massive ones continue to grow subject to the
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availability of fuel (Hopkins et al. 2008); additionally the star formation rates decrease
(Behroozi et al. 2013). This is evident in the consistent increase in the number density
of the less luminous and less active galaxies peaks with lower redshifts (Ueda et al.
2003). This decrease in the activity /star formation of the most active/star forming
galaxies since z ~ 2 is referred to as “Downsizing””.

The decrease in activity and star formation is directly observed as a decrease in
the total luminosity. Such a decrease in luminosity can be achieved by depleting the
galactic gas reservoir (heating or ejecting the gas from the galaxy), therefore suppress-
ing star formation and BH activity. Without young stars forming and replenishing
the radiation engine of the galaxy, the galaxy will become red and faint (red and
dead galaxies). Likewise, the lack of gas being accreted onto the central BH will have
similar effects on the galaxy. Various mechanisms have been proposed to cause the
observed downsizing. As mentioned in section 1.2.2, stellar feedback (i.e. supernovae,
AGB winds) can drive star formation to a halt. Feldmann and Mayer (2015) showed
using numerical simulations, and under certain assumptions for feedback, that star
formation could play an important role in quenching massive galaxies. However, Silk
and Mamon (2012) argue that stellar feedback is not strong enough to solely account
for downsizing; additional feedback mechanisms are needed to quench residual star
formation and maintain low star formation rates (contrary to Feldmann and Mayer
2015). Another proposed mechanism, which is becoming increasingly popular in re-
search, is virial shock heating where the in-falling cool gas is heated by virial shocks
when penetrating the hot gas medium (Dekel and Birnboim 2006). As a result, the
hot /dilute gas becomes more vulnerable to feedback mechanisms. Active galactic nu-
clei (AGN) feedback, which is discussed in more detail in section 1.3.4, has also been
proposed as mechanism to explain downsizing. Accretion of gas onto an AGN will
return enough energy into the environment to quench the galaxy (e.g. Fabian 2012).
While not universally agreed, AGN feedback is widely viewed as a major contributor

to downsizing.

"This term was coined by Cowie et al. (1996)
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1.3 BLACK HOLE-GALAXY CO-EVOLUTION

1.3.1 SUPER MASSIVE BLACK HOLES (SMBH)

Observational Evidence

Although the concept of Black Holes (BH) dates back to the 18" century, they were
not commonly accepted until the late 20" century. Several observations support the
existence of super massive black holes (SMBHs) at the center of most galaxies (e.g.
Kormendy and Richstone 1995; Ferrarese and Merritt 2000). Observations of the
central star cluster dynamics, in the Milky Way, reveal high stellar velocities that are
consistent with a massive and dense central object (~ 10°Mg; e.g. Gillessen et al.
2009). Alos, the central regions of other galaxies are observed in X-ray light. The
observed X-ray luminosities (e.g. Komossa 2001) are consistent with an accretion
disc which is associated with SMBHs. Moreover, some galaxies show evidence of
relativistic jets originating from their centers. BHs provide suitable explanations for
such jets (e.g. Begelman et al. 1984) although the phenomenon by which the jets are

created is still somewhat poorly understood.

Proposed Formation Scenarios for ‘Seed’ SMBHs

Many scenarios have been proposed for the formation of the seed BHs that then evolve
into SMBHs. However, no formation scenario is widely accepted to date. Here we

present a brief summary of the major proposed formation scenarios:

i. Population IIT (popIII) Stars: This scenario proposes that today’s SMBHs
formed from the direct collapse of massive poplll stars (e.g. Madau and Rees
2001). A 260 Mg, poplll star can collapse and form a 100 M, BH. Recent nu-
merical studies show that fragmentation of the progenitor gas cloud is expected
to be common in poplII star formation (e.g. Turk et al. 2009; Stacy et al. 2012).
However, clusters and binary systems of poplll stars with masses ~ 100 Mg

should be common.
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ii. Direct Collapse: Another proposed scenario is SMBH formation through the
direct collapse of gas (e.g. Loeb and Rasio 1994; Begelman et al. 2006). This
scenario requires no fragmentation and low gas angular momentum. However,

the details of the BH formation from gas in-fall remains unclear.

iii. Collapsing Cluster: Observations show evidence of nuclear star clusters. Such

clusters can undergo collapse and form a SMBH (e.g. Begelman and Rees 1978).

iv. Primordial Black Holes (BHs): Some theories propose that primordial BHs
can exists with masses Mpy < 10°Mg. However, Ricotti et al. (2008) used
distortions in the CMB to argue that primordial BH mass must obey Mgy <
10% M.

Growth of BHs

The aforementioned SMBHs are thought to grow via BH mergers or accretion of gas
and stars. As gas spirals into the central region, it settles into an accretion disc after
losing some of its angular momentum (e.g. Hobbs et al. 2012). The gas then migrates
inwards in the disc as it loses more angular momentum due to viscous mechanisms.
The two most commonly studied models for accretion discs are: (1) the geometrically
thin, optically thick (radiatively efficient; Shakura and Sunyaev 1973) and (2) the
geometrically thick, optically thin (radiatively inefficient; e.g. Narayan and Yi 1994;
Narayan et al. 1998).

As matter is accreted into the BH, some of it is converted into energy that
is returned into the surrounding environment. The produced luminosity (L) can be
expressed in terms of the accretion rate M , the speed of light ¢, and a radiative

efficiency n as follows:

L =nMd (1.11)

The radiative efficiency (typically n = 0.1) is the efficiency of extracting energy from
the inner most circular orbit around the BH (e.g. Springel et al. 2005a).
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Bondi Accretion

To calculate the accretion rate of gas onto a SMBH, assume, for simplicity, a static BH
of mass Mgy with zero spin surrounded by a non-rotating polytropic gas. The gas’s
density is assumed to be uniform at infinity (p; Hoyle and Lyttleton 1939; Bondi
and Hoyle 1944). In this case the accretion of the gas will be temperature-limited

and the accretion rate, M,_;, is given by:

4T AG* M3 11 poo

3
Coo

t—1 —

: (1.12)

where ¢, is the speed of sound at infinity, and A is a dimensionless parameter depen-
dent on the adiabatic parameter. However, if the BH was moving through the infinite
gas cloud at a steady speed (v) relative to the distant parts of the cloud, the BH’s
gravity will direct the gas into a wake which is then accreted onto the BH. The gas

will accrete at a velocity-limited rate, M,_;, given by

2raG* M3 poo

M, ;=
1)3

(1.13)

where « is a dimensionless parameter of order unity (a € [1 : 2]; Bondi 1952).
Bondi (1952) interpolated the temperature-limited (equation 1.12) and velocity-
limited (equation 1.13) accretion rates to obtain the Bondi rate® for spherically sym-

metric accretion of gas with uniform density onto a point mass with an adiabatic

index v = % Equation 1.14 gives the Bondi accretion rate corrected by a factor

of two, on the basis of numerical simulations by Shima et al. (1985), to match the

Hoyle-Lyttleton rate (equation 1.12) at insignificant sound speeds,

47 G? M3 11 poo

MBondi = (02 —|—U2)3/2 .

(1.14)

8also known as the Bondi-Hoyle-Lyttleton accretion rate
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Eddington Accretion

The maximum accretion rate® that a BH can achieve, assuming that the gas surround-
ing the BH is isotropic and in hydrostatic equilibrium, is known as the Eddington
accretion rate'®, Mpqq. The luminosity associated with the Eddington rate is known

as the Eddington Luminosity and is given by

drGMprmyc
or ’

LEdd = (115)

where m,, is the proton mass, or is the Thomson cross section, and c is the speed of
light. This luminosity will be generated by an Eddington accretion rate given by (see

equation 1.11)
47TGMBHmp

norc

Mgag = (1.16)

Eddington Ratio

The Eddington luminosity and accretion rate provide a useful relative scale to measure
accretion rates. Knowing that BHs vary in properties (mass and therefore luminosity
and accretion rate), it is quite convenient to be able to normalize BH luminosities
and accretion rates for comparison across different luminosity regimes. Hence, we
introduce the Eddington ratio (\). The Eddington ratio, given by equation 1.17,
represents the BH luminosity (L) normalized by the Eddington luminosity (Lggq).

L

A )
Lgdq

(1.17)

Equivalently, using equation 1.11, the Eddington ratio is the accretion rate

normalized by the BH mass. '
Mpy

A X )
Mpu

(1.18)

®Note that the Eddington limit can be surpassed (super-Eddington accretion) by breaking the
balance between radiative pressure and gravitational forces if the BH environment (gas distribution)
is not isotropic.

19also referred to as the Eddington limit
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Therefore, the Eddington ratio is arguably a more useful quantity when com-

paring the activity of different BHs.

1.3.2 (OBSERVATIONAL EVIDENCE OF BH-GALAXY CO-EVOLUTION

The co-evolution of black holes (BHs) and galaxies, widely viewed as an important
factor in galaxy evolution, supported by various observed correlations between BH
properties and galaxy properties (for example, bulge mass and luminosities, velocity
dispersion of the spheroidal component). Here we discuss the major observations that
paved the way for accepting BH-Galaxy co-evolution. For a more extensive review
on BH-Galaxy co-evolution see Kormendy and Ho (2013).

Although BHs have been shown not to correlate with some galactic features
such as discs and pseudo bulges (Kormendy and Gebhardt 2001; Kormendy et al.
2011) or dark matter (Kormendy and Bender 2011), some correlations are observed
between the BH mass (Mpy) and bulge properties. Dressler (1989) was the first
to propose a correlation between Mpy and bulge luminosity (Lpyge). The Mpy —
Lpuge correlation (see figure 1.3) was then demonstrated by several studies (e.g.
Kormendy 1993; Magorrian et al. 1998). Marconi and Hunt (2003) used K-band
magnitudes, which minimized internal Galactic absorption and the effect of young
stars, to demonstrate a tight Mpy — Lpuyge correlation with reduced scatter. The
Mgy — Lpuyge correlation, in the K band, is shown in equation 1.19 (Kormendy and
Ho 2013).

Mpn

Lk pui
— (.544 10067 (_“Fbulge ) 1.19
109 M@ —0.059 1011LLK’® ( )

The correlation between Mpy and Lp,4 motivated a search for a similar
correlation with the mass of the bulge (Mpuyge). Mpuge has been calculated using
different techniques such as the virial theorem (Marconi and Hunt 2003), dynamical
modeling (Magorrian et al. 1998; Héring and Rix 2004), as well as scaling relationships
implied by fundamental plane parameters (McLure and Dunlop 2002). The different
studies show good agreement on (Mpg/Mpuige) ~ 0.001 (e.g. Kormendy and Bender
2009; Marconi and Hunt 2003; Héring and Rix 2004).
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BHs also correlate with other properties of their host galaxies, specifically the
spheroidal component of the host. The correlation between the BH mass and the
velocity dispersion of the spheroidal component (Mpy — o correlation, see equation
1.20; Kormendy and Ho 2013) is known to be one of the tightest correlations that
BHs have with their hosts. The Mgy — o correlation (see figure 1.3; Ferrarese and
Merritt 2000; Kormendy et al. 2000; Gebhardt et al. 2000), has had some important
implications on the understanding of galaxy evolution: The Mpgy — o correlation
stands as strong evidence that BH growth and bulge formation are closely linked. It

also provides an empirical method to estimate Mgy,

MBH g
——— = 0.310"0 03 (—1> : (1.20)
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Figure 1.3: The Mpy — Lk puige correlation (left) and the Mpy — o correlation (right). The
solid lines show the symmetric (Tremaine et al. 2002) least-squares fit (equations 1.19 and 1.20
respectively) with the gray region representing the lo range. (used with the permission of J.
Kormendy; Kormendy and Ho 2013)
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The Fundamental Plane

The aforementioned correlations between Mpy and various properties of the bulge
are not the only known correlations. The tightest known correlations are between
Mgy and effective radius (r.), effective intensity (I.), and velocity dispersion (Aller
and Richstone 2007; Hopkins et al. 2007a,b; Snyder et al. 2011). Any three of these
correlations form what is known as the BH fundamental plane. The tight correlations
forming the fundamental plane are a sharp indicator of correlation between Mgy and

the binding energy of the spheroidal component (Kormendy and Gebhardt 2001).

1.3.3 ACTIVE GALACTIC NUCLEI (AGN)

Active Galactic Nuclei (AGN) are among the most luminous observed objects. Obser-
vations of AGN extend to the whole electro-magnetic spectrum ranging from X-ray
(e.g. Bauer et al. 2004; Gilli et al. 2007), ultraviolet (e.g. Vasudevan and Fabian
2007), optical (e.g. Steidel et al. 2002) to infrared (e.g. Lacy et al. 2004; Hickox et al.
2007). An AGN episode is thought to occur when a large amount of cold gas falls
towards the central region of a galaxy to be then accreted by the BH. Such events are
triggered by various mechanisms that are grouped into two major categories: secular
and external (see Alexander and Hickox 2012 for a review).

Secular mechanisms are triggered by internal structures (e.g. usually galactic
bars, substructure transients, disk warps) that give rise to instabilities and drive the
gas to the BH. Inflow triggered by secular mechanisms is likely to be weak (e.g.
Hopkins et al. 2008) although some studies indicate that secular mechanisms may
have been major drivers of AGN activity between z ~ 2 and today (Orban de Xivry
et al. 2011; Kocevski et al. 2012). Other mechanisms that are thought to trigger major
AGN activity are external mechanisms especially major mergers with ratios 3:1 or
less (e.g. Dasyra et al. 2006; Woods et al. 2006). Such major mergers can trigger
strong inflows of cold gas at high rates to the central galactic region (Hernquist 1989;
Barnes and Hernquist 1991; Barnes and Hernquist 1996) causing significant growth

in MBH-
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1.3.4 AGN FEEDBACK

The observations of the fundamental plane and the other previously mentioned cor-
relations, as well as the need for large amounts of energy to explain downsizing, were
vital driving forces behind studying and incorporating AGN feedback in theoretical
models. Other evidence has also played a strong role in motivating the study of AGN
feedback. The binding energy of a BH ~ Mpyc? significantly surpasses that of the
host bulge (~ Mpygeo?). If small fractions (~ 1%) of the BH energy couple to the
galactic gas they can drive the gas away (Silk and Rees 1998) and heat the remaining
gas halting any further accretion or star formation (e.g. Zubovas et al. 2013; Bower
et al. 2006). However, this energy could also couple with the gas compressing it and
inducing star formation (e.g. Silk and Norman 2009; Ishibashi and Fabian 2012).
Also, the observed correlation between AGN and star formation histories provides
further motivation for considering AGN feedback. Most star forming systems host an
AGN, and AGN systems exhibit signs of recent star formation (Kauffmann et al. 2003;
Shi et al. 2009; Hickox et al. 2014). Moreover, both the star formation cosmic history
(e.g. Inoue et al. 2013) and the AGN activity history (e.g. Treister and Urry 2012)
peak at approximately redshift z ~ 2 (see figure 1.4). Simulations provide further
support for the effects of AGN feedback, as models with AGN feedback reproduce
cosmic star formation histories while those excluding AGN feedback do not (see figure
1.5; Taylor and Kobayashi (2014)). On large scales, there is significant evidence that
AGN affect the evolution of the intra-cluster medium. Observations of the hot X-ray
gas in clusters indicate the presence of void bubbles that are thought to be caused
by AGN jets (McNamara and Nulsen 2007; Fabian 2012). Such jets are ionized and
travel relativistically with kinetic energies on the order of ~ 0.2% the rest mass of a
BH (e.g. Nesvadba et al. 2008).

Many mechanisms have been put forward to explain the physics governing the
coupling of the energy produced by AGN to the environment such as line radiation
pressure (e.g. Castor et al. 1975), radiation pressure affecting dust (e.g. Murray

et al. 2005), Compton heating of in-falling gas (e.g. Ciotti and Ostriker 2001), and
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Figure 1.4: (a) The cosmic star formation history peaking at z ~ 2. The solid line shows
the Mitaka model, the dotted and dashed lines show the contribution from stars with different
metalicities, while the data was compiled from various observations (used with the permission
of Y. Inoue; Inoue et al. (2013) and references therein). (b) The cosmic number density of X-ray
selected AGN (Ly > 44.5 erg.s™!) showing a peak at z ~ 2. The lines show different AGN
luminosity functions, and the shaded region shows observations of optically bright SDSS QSO
(used with the permission of E. Treister; Treister and Urry (2012) and references therein).

photo-ionization pressure (Buff and McCray 1974; Cowie et al. 1978). However, the
detailed physics governing the coupling of the energy to the environment remains

poorly understood. Given that the details are not clear yet, AGN feedback has been
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Figure 1.5: Star formation histories of simulations without (top) and with (bottom) AGN
feedback. The lines represent simulations of different resolutions while observational data is
represented in gray (used with the permission of P. Taylor; Taylor and Kobayashi (2014) and
references therein).

categorized into to major forms: (1) radiative (thermal) feedback and (2) kinetic feed-
back. While physically the mechanisms separate into radiative and kinetic feedback,
they impact the galaxy via thermal or kinetic mechanisms.

The radiative mode of feedback, also known as the wind mode or quasar
mode, requires high radiative efficiency. The energy is released in the form of a

sub-relativistic wind with a wide opening angle. The radius of influence of this
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mechanism is low making it more effective in the direct neighborhood of the BH.
This mode is likely responsible for correlations with the spheroidal component of the
galaxy (Mpy — o correlation).

The competing mode of feedback is the kinetic feedback (radio mode). The
energy is released in the form of jets launched from the optically thick, geometrically
thin accretion disc surrounding the BH (e.g. Rees et al. 1982) during radiatively
inefficient accretion. This mode of feedback columnates the gas into jets and drives

it away keeping it too hot to be accreted (Fabian 2012).

Theoretical Modeling of AGN Feedback

Various astrophysical phenomena, including galaxy evolution, are impacted by physics
on a vast range of scales, although often smaller scales are particularly important.
Proper modeling of such phenomena requires several orders of magnitude of spatial
resolution. AGN feedback is a vital mechanism in understanding galaxy evolution,
and suffers from this problem. While being launched from a small region (BH’s radius:
Rpp ~ 108 km, accretion discs = 1000 Rpg), AGN feedback affects gas on galactic
scales (~ 3 x 10712 Rpp), as well as cluster scales (~ 3 x 101713 Rpy). Also, AGN
variability is observed on orders of days to years, while the AGN is active for Salpeter
(1964) time of ~ 10" % yr (Martini 2004). Furthermore, AGN feedback impacts re-
gions of discrepant densities: the BH’s immediate environment (accretion disc number
density ~ 10?2 cm ™2, the narrow-line region electron density ~ 103 %cm™3, and the
broad line region electron density ~ 10% cm™3), the interstellar medium with number
densities ~ 10>~ cm ™3, and -sometimes- the intra-cluster medium with particle den-
sity ~ 1073 cm™3. Therefore, when studying AGN feedback, and its effects on the
environment, one must consider the variety of scales that are involved: ~ 13 spatial
orders of magnitude, ~ 10 temporal orders of magnitude, and ~ 4 density orders
of magnitude. The need for implementing processes that occur on scales below the

resolution of the simulation gave rise to the concept of sub-resolution modeling.
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Two physical processes that are of particular interest to this study are star
formation and AGN feedback. We save a discussion of the detailed implementation

of these processes for chapter 3.

1.4 GOAL OF THIS STUDY

This study aims to constrain the implementation (models) of AGN activity (i.e. accre-
tion, feedback) in numerical simulations of isolated disc galaxy mergers. If numerical
models were able to perfectly model the observed AGN, the predicted Eddington ra-
tio distribution should, in theory, match the observed Schechter-like Eddington ratio
distribution and quasar luminosity function (QLF). Therefore, as discussed in chapter
2, the predicted activity function (AF; described in §2) should be in good agreement
with the AF inferred from observations, i.e. fitted by a Schechter function (Hopkins
and Hernquist 2009). In practice, factors, such as the difficulty of reproducing the
ensemble characteristics of observations, make this comparison challenging.

Here, we present the analysis of theoretically predicted AFs of simulated AGN
in isolated disc-galaxy mergers; the mergers were simulated using a parallel version
(Thacker and Couchman 2006) of HYDRA (see §3.2; Couchman et al. 1995). This
work demonstrates the correlation, or lack thereof, between the predicted AFs and
some galaxy properties (i.e. Mpy, galaxy mass) as well as the effects of different
AGN models (different accretion, advection, and feedback models) on the predicted
AFs. This study provides some insight into possible approaches to better model
AGN in isolated galaxy mergers. However, the reader must be warned that although
such simulations provide valuable insight, they may not fully represent the details
of mergers or AGN. Being isolated, the simulations do not include the effects of
the cosmological environment on the galaxies (see §1.2.1). Moreover, the simulated
galaxies are Milky Way-like disc-galaxies with a merger ratio 1:1 which does not
represent the populations of all galaxies (i.e. different galaxy types and properties,

different gas fraction). Also, the presented galaxy models lack any substructure which

23



is somewhat unnatural. It is worth noting that the effects of substructure on AGN
activity are not yet clear.

In chapter 2 we review important aspects of the AGN phenomenology and
introduce the concept of the activity function. We then follow with an introduction
of the numerical methods (i.e. SPH, N-body simulations), the models (i.e. BH
models, star formation), and the initial conditions used in this study in chapter 3.
In chapter 4, we detail the calibrations performed before we introduce the results of
this work which are discussed in chapter 5 in the context of the other theoretical and

observational studies.
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Chapter 2

THEORETICAL FORMALISM:

THE AGN ACTIVITY FUNCTION

We first review aspects of the AGN phenomenology that are important to under-

standing the concept of the activity function.

2.1 AGN VARIABILITY

AGN show considerable short-term and long-term variability (as briefly mentioned
in section 3.6). Local X-ray observations of the Milky Way, show reflections off of
molecular clouds indicating significant short-term variability in the Galactic center
(~ 10®% in brightness over the past ~ 5 centuries; e.g. Ponti et al. (2010); Ryu et al.
2013). Possible long-term AGN variability (~ 10°yr) may be inferred from gamma
ray observations of Galactic Fermi bubbles (e.g. Zubovas et al. 2011; Zubovas and
Nayakshin 2012). Further, AGN light echos are observed in some non-active extra-
galactic objects in the form of large [O III| emitting clouds (e.g. Schawinski et al.
2010), or ultra luminous galaxy-wide narrow line regions excited by intense (< 10°x
brighter) AGN continuum radiation (Schirmer et al. 2013). Also, observations of lobes
and cavities in the intra-galactic medium carved by relativistic jets launched by AGN
show sporadic activity with timescales on the order of ~ 10*~7 yr (e.g. McNamara and
Nulsen 2007). Similar lifetimes can be calculated using observations of luminous high
redshift quasars (e.g. Jakobsen et al. 2003). The sizes of ionized regions surrounding
luminous, high redshift quasars indicate luminous accretion with lifetimes on the

order of ~ 107 yr.
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2.2 MOTIVATIONS & IMPLICATIONS OF THE AGN AF

Kauffmann and Heckman (2009) showed that the observed AGN variability is con-
sistent with the observed distribution of Eddington ratios in extra-galactic surveys.
Therefore, understanding AGN variability, and properly modeling AGN episodes are
necessary when studying AGN feedback: tracking AGN activity provides a powerful
test of AGN models (Hopkins and Hernquist 2009). The AGN activity function' (AF;
Hopkins and Hernquist 2009) tracks the strength and length of AGN episodes inde-
pendent of the AGN fueling mechanism (Hopkins and Hernquist 2009, 2006; Hopkins
et al. 2006a). AGN AFs are best represented as luminosity-dependent distributions
(Hopkins et al. 2005a,b; Hopkins and Hernquist 2009), i.e. the time spent above a
given luminosity or Eddington ratio, ¢(> \), or the differential of the amount of time
spent above a given luminosity or Eddington ratio, 4¢(>A)/diogx (the time spent in a
logarithmic luminosity or Eddington ratio bin).

An AGN AF can be paired with a quasar luminosity function (QLF) or Ed-
dington ratio distribution to derive essential information pertaining to AGN evolution
(i.e. Eddington ratio distributions, active BH mass functions; Hopkins and Hernquist
2009). The Eddington ratio distribution (®) can be related to the duty cycle distri-
bution () and the mass distribution of BHs (n(BH)) as follows:

d?’l(/\7 MBH) do
————— =n(Mpy)——.
dlog \ dlog \

(N Mppy) (2.1)

Assuming short AGN variation compared to the Hubble time () at the redshift of
interest, the Eddington ratio distribution at a given luminosity is proportional to the
activity function dt/dlog L. Therefore, the duty cycle can be expressed in terms of

the activity function follows:

s ds 1 dt
dlogh  dlogL ~ ty(z)dlogL’

(2.2)

!The concept of AGN activity functions was introduced by Hopkins & Hernquist (2009) as
AGN/quasar lifetime.
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Combining equations 2.1 and 2.2, one can express the Eddington ratio distribution

in terms of the AF modulo a normalization,

dt

Equation 2.3 indicates a strict correlation between the shape of the Eddington ratio
distribution and the AF. Constraining the AF also has direct implications for the
evolution of BH mass. Given an AF, the mass of BH that formed at ¢4, is given

by:

R B R L A
trorm 0 dlog L’

In addition to affecting the QLF, Eddington ratio distribution, and Mgy,
different AFs will have a distinct impact on the morphology and evolution of a galaxy.
Knowing that the AGN feedback power being returned to the galaxy is proportional
to the accretion rate, constraining matter accretion will determine the power of the
feedback returned to the galaxy. For more details on how feedback can affect a galaxy

consult section 1.3.4.

2.3 AF MODELS & OBSERVATIONAL CONSTRAINTS

There have been various attempts at modeling AGN activity, in turn yielding several
AGN light curves and therefore AFs. The produced AFs can be generally approxi-
mated as a Schechter function (power-law decay with an exponential cut-off at higher

luminosities or Eddington ratios; e.g. Hopkins and Hernquist 2009) given by:

dt L\ “ —L
=1 2.5
dlog L O(Lcut) P (L> (2:5)

where L., = nLggqq with n ~ 1, and tg and « are fitting parameters. The AF can

also be expressed as a function of the Eddington ratio, A:

dt A\ ¢ -
Tlogh ~ 10 (5) P <T) (26)
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The shape of the AF is primarily constrained by the value of the slope a.
Different accretion models predict different values for the slope?, «, and therefore
different AFs. These models (shown in figure 2.1) include, but are not limited to,
the lognormal model, the light-bulb model, the exponential model, and the Schechter
models, as well as combination of the aforementioned models (e.g. Hickox et al. 2014;

Hopkins and Hernquist 2009).
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Figure 2.1: A comparison of different activity function (AF) models and observations. The
lognormal distribution presented by Kauffmann and Heckman (2009) as a good fit for optically
selected, low redshift, passive galaxies is shown as the dashed grey line. The green dashed
line shows the observed AF (Shechter model with o ~ 0.6; Hopkins and Hernquist 2009).
For demonstration purposes, the upper limit for the AFs (Schechter function with a = 1; e.g.
Soltan 1982; Shankar et al. 2004) is shown as the blue dashed line while the solid red line and
the dashed cyan-blue line represent the exponential (o« = 0) and light-bulb AFs respectively.
Different self-regulated models yield AFs that lie between the exponential and upper limit AFs
(between the solid red and dashed cyan-blue lines).

i. Lognormal models: Kauffmann and Heckman (2009) showed that the dis-
tribution of optically selected AGN in low redshift passive galaxies hosting a
young stellar population is well described by a lognormal distribution (with width

o ~ 0.4 dex). Such a distribution corresponds to an AF that can be modeled as

2Physical /observational constraints limit o < 1 (e.g. Soltan 1982; Yu and Tremaine 2002;
Shankar et al. 2004)
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ii.

iii.

iv.

a Schechter function with o < 0. Equivalently, a lognormal distribution given

by,
dt (log A — log A\o)?
— =1 — 2.7

dlog hega 0P ( 207 (2.7)

where o represents the width of the distribution, )\ is the center of the lognormal
distribution, and ¢, is a scaling coefficient (Hickox et al. 2014). This distribution

is shown as the dashed grey line in figure 2.1.

Light-bulb models: In a light-bulb model, the AGN “turns on” for a short
time with a given Eddington ratio \,,. The AF is modeled as a Dirac-delta
function. If we allow for measurement errors in the accretion rate, the AF can
be modeled as a narrow lognormal distribution with Ag = A,, or a Schechter
function with a < 0. Although light-bulb models lack the ability to reproduce
the Eddington ratio distribution of moderate luminosity AGN (e.g. Shankar
et al. 2013; Hopkins and Hernquist 2009), they have been shown to be effective
at reproducing various properties of quasars, e.g., the QLF and quasar clustering
(e.g. Shankar et al. 2013; Conroy and White 2013). This distribution is shown

as the dashed cyan-blue line in figure 2.1.

Exponential models: In such models, accretion is allowed to occur at a con-
stant or exponentially decaying Eddington ratio. The resultant AF is a Schechter
function with a flat tail (v &~ 0) where the AGN spends equal time in all logarith-
mic intervals of Eddington ratios with an exponential cutoff near the Eddington
limit. Simulations of BH accretion with small scale feedback (e.g. Novak et al.
2011; Gabor and Bournaud 2013) allowing for strong stochastic variations show
exponential AFs (Novak et al. 2011). However, the slope of the low luminosity tail
is dependent on the gas fraction (Gabor and Bournaud 2013). This distribution

is shown as the solid red line in figure 2.1.

Hybrid power-law and lognormal models: Some studies used an accretion
rate distribution consisting of the sum of a power-law and a lognormal distribu-

tion (e.g. Kauffmann and Heckman 2009; Shankar et al. 2013). The predictions
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of such a hybrid distribution are similar to those of a pure Schechter function;
however they are highly dependent on the relative normalization of the compo-

nents. This model is omitted from figure 2.1 for clarity purposes.

. Schechter models: In these models the AGN spends consistently more time
accreting at lower luminosities. These models produce an AF which is best rep-
resented by a Schechter function with « > 0. Feedback-regulated (self-regulated)
AGN implementations have been shown to yield Eddington ratio distributions
that are best fitted by a Schechter function with o € [0.3 : 0.8] (e.g. Hopkins
and Hernquist 2006). Hydrodynamical simulations performed by Hopkins et al.
(2006b) reproduce Eddington ratio distributions in the form of a Schechter func-
tion with o &~ 0.6 which is consistent with current observations (e.g. Hopkins
and Hernquist 2009; Ueda et al. 2003). This AF is represented by the dashed
green line in figure 2.1. Other models such as the BHs fed by stellar loss (e.g.
Ciotti and Ostriker 2007) and disc starvation models (e.g. Yu et al. 2005; Yu and
Lu 2008) produce Eddington ratio distribution described by Schechter functions
with slopes ranging between a ~ 0.6 and the physical maximum « = 1. These
models are omitted from figure 2.1 for clarity but the resulting AFs lie between
the self regulating models’ AF (dashed green line) and the physical maximum

AF (dashed blue line).

Observational Constraints

Various observations have helped constrain the AGN Eddington ratio distribution,

thus inferring the AGN AF and resolving the degeneracy between the proposed mod-

els. Observations are in good agreement with the AFs predicted by the self-regulated

models. Hopkins and Hernquist (2009) used a variety of observations to rule out

simplified models of the AF while showing that the observations are best fitted by a

Schecter function with a slope o =~ 0.6. Other indirect observations, although suffer-

ing from some selection bias and imposing additional assumptions, also favor models

where the AGN spends increasingly more time at lower luminosities (the increase in
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activity with decreasing Eddington ratios of the Schechter function). AGN cluster-
ing analysis shows a weak dependence on luminosity therefore favoring models that
spend more time at lower luminosities (e.g. Lidz et al. 2006; Hopkins et al. 2007c).
Multi-redshift observations of SMBHs show an evolution in the QLF (e.g. Ueda et al.
2003; Hasinger et al. 2005; Hopkins et al. 2006b) consistent with the predictions of
some self-regulated models where the AF is dependent (weakly) on the BH mass and
peak luminosity. Other studies show that BH mass functions of luminosity-selected
samples include more massive BHs at low luminosities (e.g. Hopkins et al. 2006a,b;
Heckman et al. 2004; Greene and Ho 2007) which is consistent with the predictions

of feedback-regulated models.
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Chapter 3

NUMERICAL METHODS & SIMULATION DETAILS

The long timescales associated with galaxy evolution motivate the need for numerical
simulations to help piece together the observed snapshots of galaxies during differ-
ent evolutionary epochs. Numerical simulations coupled with improved observations
helped advance our understanding of the full galactic evolutionary process; although
current knowledge is still very incomplete. This chapter details the numerical methods

and simulations used in this work.

3.1 A BASIC APPROACH TO GALAXY EVOLUTION

The physics of galaxy formation and evolution is governed by hydrodynamics, gravity,
chemistry and radiative trasfer. The key processes in galaxy evolution are hydrody-
namics and gravitodynamics. Galaxies, and for that matter many other astrophysical

processes, are modeled using the following closed system of equations:

e The continuity equation:

Dp
. p— -].
DI +pV-v=0 (3.1)
e The equation of motion:
Dv 1
—=—-VP-V 3.2
ST ¢ (3-2)

e The conservation of energy equation:

Du 1
— =—|[PV- —A 3.3
Bf = [PV v+T = A (3.3
e An equation of state:
P = P(p,u) (3.4)



e Poisson’s Equation:

V3¢ = 4nGp (3.5)

where p, v, P, ¢, u, I', and A are the density, velocity, pressure, gravitational potential,

specific energy, heating term, and cooling term respectively. The % represents the

Lagrangian, or comoving derivative:

SIS

DBt +v-V (3.6)

The above system of equations! is typically solved by two types of numerical
methods: (1) grid methods and (2) particle methods. The latter are often used
to simulate dynamical systems of particles (e.g. galaxies) and to study the nonlinear
processes of structure formation (see Hockney and Eastwood 1981). Being Lagrangian
in nature, particle methods have the advantage begin naturally adaptive because the
resolution elements move with the flow as opposed to the fixed Eulerian grid approach
where spatially resolving several orders of magnitude is a challenge. However, it is
worth noting that in computational simulations the Fulerian approach has proven to
be effective in modeling shocks and magnetic fields?. There are various approaches
within the two main types of methods; however, we will only discuss the approach
(see §3.3) implemented in HYDRA (see §3.2; Couchman et al. 1995; Thacker and
Couchman 2006).

The aforementioned approach, solving the gravito-hydrodynamic system of
equations, is overly simplistic. A more realistic approach to galaxy evolution must
also include other vital physical processes such as star formation and stellar feedback
(1.2.2) as well AGN feedback (1.3.4). The star formation algorithm and BH mod-
els that were used in this work are presented and discussed in sections 3.5 and 3.6

respectively.

!Can also be written in an Eulerian form and solved on a mesh, while in the Lagrangian form
given it lends itself to solution via particle-based methods.
2 At fixed resolution they are arguable considerably more accurate.
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3.2 HYDRA

HYDRA is a SPH-AP?M code written in FORTRANT7 by Couchman et al. (1995)
to simulate cosmological hydrodynamics. It uses smoothed particle hydrodynamics
(SPH; see §3.3) to calculate gas properties, and an adaptive particle-particle, particle-
mesh (AP3M; see §3.3.3) algorithm to calculate the gravitational forces. This work
uses a parallel version of HYDRA (HYDRA OMP; Thacker and Couchman 2006)
which includes a star formation algorithm (§3.5; Thacker and Couchman 2000) and
has been modified to include BHs and AGN feedback (§3.6; Wurster and Thacker
2013a,b).

3.3 SMOOTHED PARTICLE HYDRODYNAMICS (SPH)

Smoothed particle hydrodynamics (SPH; Lucy 1977; Gingold and Monaghan 1977)
is a particle based Lagrangian method (for a review see Monaghan 1992). Being a
particle method, SPH approximates the fluid dynamics equations without the need
of a grid.

At heart, SPH interpolates a field quantity, A(r), defined at a set of points (the
particles) to a given point of interest. This interpolation is done using the integral

interpolant, A;(r), which is given by:

o A(r,) r—or A3’
Alr) = [ S = () 31

where IV is an interpolating kernel and h is the so-called smoothing length of a particle
of density p. In numerical simulations, the integral interpolant is approximated by the
discrete sum interpolant which is effectively a mass weighted sum over neighboring

particles. The sum interpolant may be expressed as:

Ag(r) = ij;l—jW(r —7j,h), (3.8)
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where m; is the mass of particle j. The subscript j represents quantities at r; (the

position of the j™" particle); for example the density p; can be expressed as:

Py = p(’l“j) = kaW(T‘j — Tk, h,j), (39)
k
where the sum over k is used to avoid confusion with the j** particle subscript.
Derivatives, in SPH, can be calculated using ordinary differentiation as shown

below:

A
VAg(r) = ijp—?VW(r — 7, h). (3.10)
j J

However, this derivative does not vanish for a constant A; therefore, we often use the

following form of the derivative that will equal zero if A is constant:
1
VAg(r) = ;ij(Aj — Ag)VW (r —r;, h). (3.11)
J

In practice the precise numerical derivative used depends upon a number of issues
(see §3.3.2).

Because SPH does not need a grid to calculate spatial derivatives, the equations
of energy and momentum become a set of differential equations that are easy to derive
and manipulate (see §3.3.2). This is one of the strengths of SPH in modeling structure

formation and evolution.

3.3.1 THE INTERPOLATING KERNEL

The basis of SPH is interpolating field quantities from a set of neighboring
particles using an interpolating kernel. The interpolating kernel describes the contri-
bution of neighboring particles based on their distance from the particle of interest
while the smoothing length, h, represents the characteristic width of the kernel (figure
3.1).
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Figure 3.1: A schematic drawing depicting a function expressed in terms of its interpolat-
ing kernel (in 2D) smoothed over its neighboring particles (Komoroczi et al. 2013, used with
permission of J. Urai and A. Komoroczi) .

Every interpolating kernel must have the following properties:

/W('r — 7 h)d*r’ =1
and (3.12)

}llirr(l)W(r —r' h)=6(r — 7).

Many kernels have been proposed (see Gingold and Monaghan 1982); however, com-
putational efficiency requires a kernel that equals zero at finite distances. HYDRA uses

a kernel based on spline functions (Monaghan and Lattanzio 1985), the By spline, viz.

4—622+32% ifo<z<1;

Wir—rjh)= o4 2-2)° if1<a<2 (3.13)

0 otherwise.
where ©x = %, v is the number of dimensions (v = 3 in HYDRA) and o is a
normalization constant with the values %, %, and % corresponding to one, two and

three dimensions respectively (0 = < in HYDRA).
Thomas and Couchman (1992) presented a modified form for the first deriva-

tive of the By kernel to prevent artificial clustering by introducing a repulsive force
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at small distances. The first derivative from Thomas and Couchman (1992) is given

by:

4 1f0§x§§;
- h 1 34—3z) if2<a<I; -
o) = 32—2)° fl1<z<2 314
\ 0 otherwise.

Knowing that the width of the interpolating kernel is defined by the smoothing
length, it is important to discuss the choice of smoothing length in HYDRA as it
defines the region over which quantities are smoothed. HYDRA uses an adaptive
smoothing length, h;, for every particle i such that the particle has ~ N neighbors
where 30 < N < 80 (on average N ~ 50). The value of h; is limited by the simulation

volume on the high end and numerical resolution limits on the low end.

Neighbor Particle Definitions

Because SPH calculates field quantities using a set of neighboring particles, it is im-
portant to decide on what particles are considered neighbors and therefore will be
used when smoothing. The Nearest Neighboring Particle (NNP) method is used to
select a particle’s neighbors. Different interpretations of the NNP method lead to dif-
ferent understandings of the smoothing length, h, and therefore different approaches
to select NNPs (Hernquist and Katz 1989; Shapiro et al. 1996). The two approaches
are depicted in figure 3.2.

In the first approach, known as the ‘gather’ approach, h is considered the
radius of the smoothing kernel of a particle ¢ at . Particles, t;, within the radius 2h
are considered NNPs of £. In the second approach, known as the ‘scatter’ approach,
h; is the radius of the smoothing kernel of a particle t; at r;. Particle ¢; is considered
as a NNP of ¢ only if |r — r;| < 2h;. HYDRA uses an explicit ‘gather’ smoothing

kernel.
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Figure 3.2: A schematic drawing depicting the NNPs for particle ¢ using the two different
approaches: the gather approach (left), the scatter approach (right).

3.3.2 SPH INTERPOLATION

As mentioned in section 3.3, the strength of SPH is it’s ability to simplify the equations
governing galaxy evolution to a series of easily evaluated differential equations. In
HYDRA, this is achieved by following Thomas and Couchman (1992) and making use

of kernel averaging:

1
Wij — §[W(7“z‘ =7, hi) + W(r; —rj, hy)l, (3.15)

and the following approximation:
VZW(T‘Z — Ty, hz) ~ —v]‘W('f’i - T, h]) (316)

Also, because SPH can not naturally model shocks, it is necessary to add a dissipation
term to increase the entropy across the shock. The dissipation term is introduced as
an artificial viscosity term, II, which is added to the pressure, P. HYDRA uses the
artificial viscosity presented by Thacker and Couchman (2000) based on Monaghan
and Gingold (1983).
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The SPH interpolation of the continuity equation (3.1) using equations 3.8,
3.9, and 3.11 is:

dpl m;

J
where v;; = v; — v; and W;; = W(r; — r;, h;). Introducing the viscosity term and
ignoring the gravitational acceleration term (V¢) for reasons discussed in 3.3.3, the

equation of motion (3.2) and conservation of energy equation (3.3) become

d’Uz‘ P H

7 7

(3.18)
_|_ij <—; )VW( Tj,hj),
Pj
and
du; P 1L
TR (55 ) oo W= (3.19)

respectively, where P is the pressure and II is the artificial viscosity term.

3.3.3 (GRAVITATIONAL SOLVERS

As discussed in section 3.1, galaxy evolution is a gravito-hydrodynamic problem. SPH
is used to solve the hydrodynamics while a separate algorithm is required to evaluate
non-local forces such as gravity®. Some of the major gravitational solvers are: tree
codes (Barnes and Hut 1986) and particle-mesh models (for a detailed review see
Hockney and Eastwood 1981). HYDRA uses the Adaptive Particle-Particle, Particle-
Mesh (AP3M) model (Couchman 1991).

The AP3M method is a combination of the Particle-Particle (PP) and the
Particle-Mesh (PM) methods, and therefore combines both of their advantages. The
PP method considers the forces acting on a system from a distance (e.g. gravity,
Coulomb force) by directly calculating forces through pairwise interaction (N? in-

teractions are considered). While the PM method approaches the forces as field

3This is the reason we ignored the gravitational forces (V¢) in the SPH equations.
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quantities that are then approximated on a mesh. For example, the gravitational
potential of the system is constructed over a grid starting from the density field and
by solving the associated Poisson equation using fourier methods. Hence, the AP?*M
method accurately represents close encounters (PP method) and allows rapid calcu-
lations of long-range forces (PM method). The adaptive part of the algorithm relates
to placing refined meshes in regions where the PP algorithms becomes slow. This
feature remedies the slow-down due to clustering in high density regions that the PP
method is vulnerable to. Therefore, the AP3M method is computationally efficient
and allows high resolution.

Thus, in the AP*M model, the gravitational force is expressed in terms of two

components: the short-range force and the long-range force (equation 3.20),

Fg'rcw - Fshort + Flong‘ (320)

The short-range force is calculated using the PP method on refined mesh versions
of P?M which considers pairwise interactions between the particle of interest and all
other particles within a given radius. However, to compute the long-range force the

PM method is used. The adaptive PM accelerations are calculated as follows:

i. Interpolate the particle mass density onto an adaptive grid (i.e. transform the

Lagrangian representation to a Eulerian format).
ii. The density grid is Fourier transformed and multiplied by a Green’s function.

iii. After transforming back, the resultant potential grid is differentiated to compute

the force grid.

iv. The force grid and mass assignment function are then used to calculate the PM

acceleration.

v. Repeat (i)-(iv) for all sub-grids
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3.4 HYDRA SOLUTION CYCLE

We present the solution cycle of a single time-step as summarized in Thacker and

Couchman (2006), modified to include BHs:

ii.

iii.

1v.

vi.

vii.

viil.

iX.

Assign mass to the Fourier mesh.

Convolve with the Green’s function using the FFT method to get potential.

Difference this to recover mesh forces in each dimension.
Apply mesh force and accelerate particles.

Decide where it is more computationally efficient to solve via the further use of
Fourier methods as opposed to short-range forces and, if so, place a new sub-mesh

(refinement) there.

Accumulate the gas force (and state changes) as well as the short-range gravity

for all positions not in the sub-meshes.

Repeat (1)-(5) on all sub meshes until forces on all particles in simulation have

been accumulated.
Run star formation and cooling routines.
Run BH routines.

Update time-step and repeat.

We note that star and dark matter particles are handled the same way in HYDRA.

3.5 STAR FORMATION

As mentioned in section 1.2.2, galaxy evolution depends on how fast the galactic

gas reservoir is consumed (i.e. converted into stars). Therefore, calculating the star

formation rate (SFR) is key to quantitatively modeling galaxy evolution.

Since star formation occurs on sub-resolution scales relative to scales that can

be simulated at present, it is necessary to implement an algorithm that approximates
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the effects of star formation at larger scales appropriate for the simulation’s resolu-
tion. HYDRA uses a “threshold-Schmidt law” star formation algorithm (Thacker and

Couchman 2000) where gas is converted to stars if:

i. the gas is dense (ng > 0.0lcm™3),

ii. the gas is cool (T < 3 x 10'K),

iii. baryonic matter is partially self-gravitating (pges > 0.4ppa),
iv. the flow is convergent (V - v < 0).

The SFR (M*) is then calculated using a Lagrangian® form of the Schmidt law
(Thacker and Couchman 2000; Kennicutt 1998; Katz 1992):

M, = Cyprpy* My, (3.21)

where Cyy, is the star formation rate normalization, p, and M, are the SPH density

and mass of the gas. When the mass of the gas to-be-converted reaches %mg, a
star particle (of mass $m,) is formed. The remaining gas is converted to a m, star
particle when the amount of gas to-be-converted to stars reaches 80% of the remaining
gas whilst the gas particle is removed.

A complementary part of star formation is stellar feedback which can be in
the form of either stellar winds or super-nova (SN) feedback. In HYDRA, feedback
is immediately returned to the environment when a star particle is formed. For
every 100 My of stars formed, one SN event is assumed to occur. Each SN event
returns 5 x 10%e* erg per gram of converted gas to the interstellar medium where
the dimensionless parameter e* = 0.4 (Navarro and White 1993). When applying the

feedback algorithm, a reduced density is used in the cooling algorithm which makes

sure that the feedback energy influences the environment as it does not radiate away

4Knowing that computational efficiency is a valuable commodity in computational science, the
Lagrangian form of the Schmidt law is used as it provides a more efficient approach to calculating
the SFR.
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quickly (Katz 1992). This reduced density decays back to the local SPH value. The
density decay half-life (¢,/, = 5Myr) and the value for e* are the same as those used
by Thacker and Couchman (2000) to reproduce the observed Milky Way SFR in
simulations of isolated Milky Way-like galaxies.

3.6 BH MODELS & ALGORITHMS

In this study we use the models described and implemented in Wurster and Thacker
(2013a,b). Further details and analysis of the models can be found in Wurster and
Thacker (2013a,b), Thacker et al. (2014), and references therein. There are five key
components to an AGN feedback algorithm:

i. The accretion rate on to the BH.
ii. The SPH particle accretion algorithm.
iii. The energy feedback algorithm.
iv. The BH advection algorithm.
v. The BH merger algorithm.

Knowing that most of these algorithms account for physics on sub-resolution scales,
models (discussed in §3.6.1 through §3.6.7) implement different algorithms to esti-
mate their effects on larger scales appropriate for the simulation resolution. In this
section we will first provide an overview of the aforementioned components and then
describe the BH models that were used in this study (based on Wurster and Thacker
2013a,b). For a summary of all the models see table 3.1. Note that we follow the
same nomenclature as in Wurster and Thacker (2013a,b) where models are named
after the authors’ initials, subscripts f and [ represent fiducial and low resolution
runs (see table 3.3) respectively, and lower case suffixes to the parent model name

indicates a variant model with the letter signifying the difference.
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Accretion Rates

The accretion rate describes the rate at which the BH mass changes. It is
usually modeled as the Bondi accretion rate and it is limited to a maximum of the
Eddington rate (see §1.3.1). Note that the radiative efficiency in the Eddington rate
(equation 1.16) is set to n = 0.1 (Shakura and Sunyaev 1973).

Particle Accretion & BH Growth

When modeling BHs in the simulation a distinction can be made between the
mass of the BH (sink) particle (the dynamical mass) versus the actual mass used in
calculating the accretion rate (the internal mass). This artificial separation has been
used in simulations where it is desired to dampen the motion of the BH particle or
where finer knowledge of the BH mass is required as compared to the discrete values
associated with particles. The internal BH mass (Mpy) is updated by discretely
integrating the accretion rate as such: Mgy = MBHdt. While the dynamic BH mass
(mpg) is updated by adding the mass of every gas particle that is accreted. Ideally
the two masses are equal® (Mpy ~ mpg). Furthermore, every BH is assigned a
radius of influence, 7, ¢, which is defined as r;,; = 2 X max(hpp, hpmin) where hpy is
the smoothing length of the BH and h,,;, is the smallest resolved smoothing length.
The BH smoothing length is defined such that there exist 60 neighboring gas particles
in a sphere of radius 2hgy. Note that the BH smoothing length corresponds to its
neighboring particles as the BH is not treated hydrodynamically. The significance of
Tins stems from the fact that only particles within a sphere of radius 74,5 are eligible
for accretion and feedback®.

When accreting particles onto the BH, both the principles of conservation of
mass and angular momentum are invoked where the mass and the momentum of the
gas particle are added to the BH mass and momentum respectively. Particle accretion

algorithms can be grouped into three major categories:

5The DQM poses as an exception where the dynamic BH mass is constant.
6Note that the ONB model does not return feedback energy locally.
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i. Stochastic-unconditional: Neighboring particles are always tested for stochastic

accretion.

ii. Stochastic-conditional: Neighboring particles are tested for stochastic accretion

if a given criteria of the mgy — Mpy relationship is satisfied.

iii. Continual-conditional: Neighboring particles are continually accreted whilst a

given criteria of the mpy — Mppy relationship is satisfied.

AGN Feedback

As discussed in section 1.3.4, AGN feedback plays an important role in galaxy
evolution, primarily massive galaxies. In simulations, while the exact details may
be lengthy, AGN feedback is returned to the BH neighborhood” as: (1) thermal
feedback (increasing the internal energy of gas particles), and/or (2) kinetic feedback
(increasing the momentum of gas particles). The feedback energy (E) is calculated

using the BH accretion rate (see equation 1.11) such that:
E = Ldt = nMppyc*dt, (3.22)
where n = 0.1.

BH Advection

Accretion (hence feedback) is highly dependent on the gas properties in the
BH’s local neighborhood. Therefore, proper tracking of the BH position is essential
when modeling AGN activity and is particularly important in the early stages of BH
growth. If the BH is of a comparable mass to stellar and gas particles, two body forces
can cause significant displacement therefore changing the BH’s environment. This can
have undesirable (inaccurate) effects on the accretion process. To avoid such artificial

inaccuracies, simulations employ advection algorithms® to minimize BH motion by

"Note that the ONB model does not return feedback energy locally.
8The DQM poses as an exception where the BH position is updated by assuming it has a large
dynamic mass throughout the simulation.
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relocating the BH using different methods (i.e. to the core’s centroid, along stellar

gradients, towards the gas particle with minimal potential energy).

BH Mergers

In this study, we model major galaxy mergers at different mass scales where the
final state is a merged galaxy. Under such circumstances, given long enough evolution,
it is reasonable to assume that the BHs merge. Of course a general solution to the
study of BH mergers is a challenge far beyond modern astrophysics. Models include
sub-resolution prescription which allow BHs to merge when a set of criteria is met.
Merger criteria are model dependent; they include, but are not limited to, limits on
the distance between the BHs (i.e. BHs are within each others smoothing lengths,
hpu, or softening length, eg2) and BH velocities (i.e. BHs are gravitationally bound
or have subsonic relative velocities). Regardless of the merger criteria, when two
BHs merge, their masses (both internal and dynamic) and momenta are added and
assigned to one BH while the other is removed from the simulation. The resultant

BH is relocated to the centroid of the progenitors.

3.6.1 MobpEL: SDH

This model is based on Springel et al. (2005a), hereafter SDH05. The accretion rate
is modeled by a modified Bondi accretion rate:

_ 4anGEMByp

p=—— B (3.23)
(€2 + v7g)¥?

where ¢ and p are the local sound speed and gas density, v, is the relative velocity
of the BH and the nearby gas, while « is a free parameter which relates the numerical
local density and sound speed to their expected (real) values. Following SDHO05 and
Wurster and Thacker (2013a), « is set to o = 100. This large value for a agrees with
the argument in Booth and Schaye (2009) that at modest resolutions ¢, and p are
over /underestimated (respectively) by orders of magnitude due to a lack of resolution.

The Accretion rate is Eddington-limited such that Mpy = min(M B, M Edd)-
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In this model, the feedback energy is returned to the BH’s neighborhood (par-
ticles within r;,s), weighted by the local SPH kernel, at the following rate:

Efeca = 0y Mpc, (3.24)

where 7, and n; are the radiative efficiency (7, = 10%) and the fraction of energy
that can couple to gas (n; = 5%) respectively.

The BH growth is controlled by a stochastic-unconditional particle accretion
algorithm. Every iteration an accretion probability (p;) is calculated for each particle
() such that:

pi = w;Mpyptdt, (3.25)

where w; is the kernel weight of the gas particle relative to the BH, and dt is the
timestep. Particles are allowed to accrete if p; < z; where z; € (0,1) is a uniformly
distributed random number.

To minimize any unwanted BH motion, an advection algorithm relocates the
BH to the neighboring gas particle with the lowest potential energy with v,..; < 0.25¢;.
If the velocity criterion is not met for at least one particle in 74, the BH position is
not corrected. The advection algorithm is turned off when the BH dynamical mass
(mpu) exceeds 10my; BH advection is then treated by the gravitational solver only.

Finally, the BH merger algorithm contains both velocity and distance restric-
tions. The BHs are assumed to merge when they are within each other’s smoothing

lengths and have a relative velocity v, < cs.

3.6.2 MODEL: BS

This model is based on Booth and Schaye (2009), hereafter BS09, and is similar to
the SDH model; however, it was initially implemented in cosmological simulations.
The accretion rate, as in the SDH model, is calculated using the Eddington-limited

modified Bondi accretion law shown in equation 3.23. In contrast to the SDH model,
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« is determined as a function of the local Hydrogen number density (ngy) as follows:

. (n—*H)ﬁ otherwise (8.26)
Ny

where nj; is the critical value for the formation of a cold interstellar gas phase, and
[ is a free parameter. Following BS09, we use n}; = 0.1cm™ and 3 = 1. BS09 favor
a density-dependent « as the argument for a large o used in SDHO05 is inappropriate
for low-density regions. This implementation allows higher accretion, and therefore
higher feedback, at higher densities.

The feedback efficiency is similar to SDH but is set slightly larger (n; = 0.15).
The feedback energy, contrary to the SDH model, is allowed to accumulate until

Eteea > Eerie which is defined as:

mgl{:BAT

Ecri = 7 N
" (v = Dyumy

(3.27)

where m, is the mass of a gas particle, and A is the incremental increase in tem-
perature of the particle per feedback event. We set AT = 5 x 10°K as in Wurster
and Thacker (2013a). When E/..q exceeds E..;; random neighboring particles (within
Ting) Teceives an energy burst in increments of Eg.; until Efeeq < Eeri.

In this model, the BH growth is determined by a stochastic-conditional particle
accretion algorithm. If Mgy < mpy the accretion probability is set to p; = 0.
Otherwise, similar to the SDH model, an accretion probability is calculated for each
neighboring particle (i). The particle is then accreted if p; > ;. The probability is
defined as:

pi = w;(Mpyg — mpy)p ™" (3.28)

The BH advection algorithm is the same as that in the SDH model. However,
BH mergers are treated differently. BS09 argued that feedback may increase ¢, and

therefore it may no longer be a suitable velocity scale. This motivates a different
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merger algorithm based on the BH distances (within each others’ smoothing lengths)

and the circular velocity at the more massive BH’s smoothing length (v,e < Ueire)-
Lastly, we note that Wurster and Thacker (2013a) introduced a variation of

the BS model which uses the BH advection algorithm of the WT model. This model

is denoted by a ‘w’ affixed to the model name: BSw.

3.6.3 MobDEL: ONB

This model was first implemented in cosmological simulations by Okamoto et al.
(2008). In this algorithm, the BH is fed by gas inflow caused by the loss of angular
momentum due to stellar activity (Umemura 2001). Therefore, an accretion rate is
calculated by examining gas clouds in regions of star formation (RSF) neighboring

the BH. The accretion rate is modeled using a drag accretion rate:

Lrsr _ .
. rac——— (1 — e TRSE if SF = resho
Moy = Tdrag 2 ( ) PRSF Z Pthreshold ’ (3.29)

0 otherwise

where pipreshord = D X 1072°g em ™3 is the threshold density, prsr is the gas density
in the RSF, 74,4y = 1 is the drag efficiency, Lrgr is the total bolometric luminosity
of the stellar component in the RSF (calculated using look-up tables by PEAGASE2;
Fioc and Rocca-Volmerange 1997), and 7ger is the total optical depth of the RSF.

The optical depth, Trsr, is approximated by:

3xa_Me
41 R%SF’

(3.30)

TRSF =—

where x4 = 50 cm? g1 is the mass extinction coefficient, M, is the total mass of the
clouds in the RSF (set to half of the total mass of the gas in the RSF), and Rggp is
the radius of the RSF. Rggp is defined as Rrsr = min(Ryg, 2hpin) where Ry, is the
minimum smoothing length, and R4y is the radius of a sphere centered on the BH

and including 40 gas particles.
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This model reproduces the radio mode of AGN where the feedback energy is
deposited into the halo in the form of jets. The feedback energy, Efcea = v Lijet,
is returned (heating) to the 40 nearest diffused gas particles with p < 0.1pihreshold-
While the jet luminosity, L, is accretion dependent and can be divided into two
categories depending on the accretion flow:

L3P ~ 81 x 10°Mgpc®  if A > a2,

get (3.31)

L%”F ~ 2.6 x 107 ' Mgpc® if A < a2,

where A is the Eddington ratio, and a = 0.1 is the viscosity parameter. The su-
perscripts SD and RAIF represent the accretion flow type: standard accretion disc
(optically thick, geometrically thin, radiatively efficient) and radiatively inefficient
accretion flow (optically thin, geometrically thick), respectively.

The BH growth is tracked by a continual-conditional particle accretion algo-
rithm where gas particles are allowed to accrete with a probability p; while Mgy >

mpy. The accretion probability assigned to every gas particle within Rrgp is:

Mpg —mpy
g =, 3.32
P m;Nrsr (3:32)

where m; is the particle mass and Nggp is the number of gas particles in the RSF.

The BH is advected along the steepest stellar density gradient by
AZONB = miﬂ(O.lGSQ, 003”U|dt), (333)

where €go is the gravitational softening length, |v| is the BH velocity, and d¢ is the
timestep.

Finally, the BH merger algorithm merges the BHs when they are within each
other’s softening lengths and gravitationally bound.

Waurster and Thacker (2013a) introduced a variation of this model which uses

a very conservative search algorithm when calculating the drag accretion rate (small
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Ruce). This model is denotes as ONBe. Overall, this model can be thought of as

having comparatively little feedback.

3.6.4 MOoDEL: DQM

This model is based on Debuhr et al. (2011), hereafter DQM11. DQM models accre-
tion through the transport of angular momentum (Hopkins and Quataert 2010) and

calculates the accretion rate as:

. 2

Myise = 3@2%, (3.34)

where ¢§ is the dimensionless viscosity (6 = 0.05 as per DQM11), ¥ is the mean gas
surface density, and 2 is the rotational angular velocity of the gas.

The feedback energy is returned kinetically (in the form of momentum) such
that all particles within r;,; receive an equal radial acceleration. The feedback energy
is calculated such that

p=T7—, (3.35)

L
c
where 7 is the infrared optical depth (7 = 10 as per DQM11), and L is the Eddington-
limited luminosity. It is worth noting that the variant model DQMe (as in DQM11)
fixes r;,y = 4ego while the DQM model (as implemented in Wurster and Thacker
2013a) calculates r;,; = 2max(hgm, Rmin)-

To minimize any unwanted BH motion, this model uses a constant tracer mass
(only increased via mergers) to represent the BH such that mpy = 10° My. With
such a comparatively large dynamic mass, no advection algorithm is needed and any
advection is dealt with using the gravitational solver. Note that although this model
uses a different dynamic mass, the internal BH mass (Mpy) is still initialized to
10° M.

This model uses a continual-conditional particle accretion algorithm (Mpy >

mpy)- Note that the particles that are removed from the simulations are not added
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to the constant dynamic mass. BHs are assumed to merge when they are within each

other’s r;,r. No velocity restrictions are required in this merger algorithm.

3.6.5 MOoDEL: WT

This model is introduced in Wurster and Thacker (2013a). The accretion is modeled,
as in the SDH model, using an Eddington-limited modified Bondi accretion rate with
a = 100. The feedback energy is equally distributed amongst all particles within 7,
applying an isotropic heating to the core.

This model uses an adaptation of the advection algorithm in the ONB model
with two major differences. First, the BH is moved towards the center of mass of a

sphere of radius r;,¢ centered at the BH. Second, the BH is advected by

AZWT = min(O.thBH,0.3|v|dt, dcqw), (336)

where hpy is the BH’s smoothing length, and d¢j, is the distance between the BH
and the center of mass. This advection algorithm has several advantages. Moving
the BH towards the center of mass includes the stellar component as well as gas and
DM unlike the ONB model which only includes stellar gradients. Moreover, using the
center of mass of the central sphere prevents coupling the BH to gas particles on the
edge of the sphere in case the AGN creates a void.

Particle accretion is treated using a continual-conditional particle accretion
algorithm (similar to the ONB and DQM models). The gas particle which is nearest
to the BH is accreted while Mpy > mpy +m,/2. Choosing the nearest particle to be
accreted (instead of a random particle) reduces the random effects in the simulation.

As in the SDH model, the BH merger algorithm includes both distance and
velocity criteria. BHs are assumed to merge when they are within each other’s smooth-
ing lengths and have a subsonic relative velocity.

For resolution testing purposes, Wurster and Thacker (2013a) introduced the
WTh model which is identical to the W'T model with the sole different in the smooth-
ing length (Apmin — Ninin/2)-

53



3.6.6 MOoDEL: PNK

This model —based on Power et al. (2011), hereafter PNK11- is motivated by some
of the major issues with Bondi accretion. Bondi accretion does not account for the
angular momentum of gas clouds and therefore allows the instantaneous accretion of
rotationally supported particles. On the contrary, a more realistic model should allow
the gas to shed its angular momentum before it is accreted; particles accrete onto an
accretion disc from which they are then funneled onto the BH. Therefore, the model
implements a two-stage accretion process using an accretion disc particle defined as a
sink particle including both the central BH and its accretion disc® (Mapp = Myjse +
Mpp). The smoothing length associated with the ADP is happ = max(happ, hmin)
such that a sphere of radius 2h,pp includes 60 neighboring particles. First, gas
particles within a radius R,.. (free parameter) are accreted onto the accretion disc
increasing the mass of the disc (Mgs.) by m,. The accreted mass then transfers onto
the BH with a delay on the order of the disc’s viscous time scale t,;s. (free parameter).
When the mass is accreted by the BH, it is removed from the accretion disc and added
to the BH mass such that M,pp remains constant. Hence, the Eddington-limited

accretion rate onto the BH is defined such that:

 Mpaq). (3.37)

Knowing that R,. and t,,. are free parameters that have defining effects on the
models, we follow the same naming convention as in Wurster and Thacker (2013b)
in which we incorporate the values of R,. and %, into the model name as fol-
lows: PNK[100Rcc/hmin][tvise/ Myr|. The free parameters, as in Wurster and Thacker
(2013b), span the following sets:

i. Race/hmin € {0.02,0.05,0.10}

ii. tyise/Myr € {1,5,10}

9The mass of the accretion disc is initialized to My;s. = 0.
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The growth of the ADP is tracked using a direct accretion algorithm. As
explained before, particles within R,.. are accreted onto the accretion disc regardless
of other gas properties (i.e. velocity). Once a particle is accreted, its mass and
momentum are added to those of the ADP.

The original model as described in PNK11 implements feedback by introduc-
ing wind particles with radial momenta (Nayakshin and Power 2010). However, such
implementation is impractical in our simulations as it can, over time, increase the par-
ticle load causing a major slowdown. Therefore, as in Wurster and Thacker (2013b),
we use the same feedback prescription used in the DQM model where the feedback
is returned in the form of momentum such that all particles within r;,; = 2happ
receives an equal radial acceleration. The feedback rate is given by equation 3.35.

The BH advection algorithm is identical to the one used in the W'T model.
The ADP is displaced towards the centroid of the sphere centered at the ADP with
radius 7, .

Lastly, the BH merger algorithm, as in the WT model, has both distance and
velocity restrictions. The ADPs instantly merge when they are within each others
smoothing lengths and have a subsonic relative velocity. To conserve mass, the merged

BH and accretion disc have the sum of the masses of their progenitors.

3.6.7 MOoDEL: HPNK

The last BH model we will discuss is the HPNK model. This model was introduced
by Hobbs et al. (2012), hereafter HPNK12. We will discuss the implementation of
Thacker et al. (2014) in this section. This model aims to overcome some of the defects
of the Bondi-Hoyle accretion (i.e. potential due to Mgy only). HPNK12 introduce
a modified Bondi-Hoyle accretion rate that includes the potential due to the mass
enclosed (M,,.) within a smoothing radius (fixed to €g2) and the velocity dispersion

(o). This rate is expressed as the interpolating accretion rate:

ATA(D)G2 M2, o

MinteT‘p = (C2 i 0_2)3/2
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In a way, our implementation of this model (same as Thacker et al. 2014) can
be considered a variant of the WT model. This implementation of the HPNK model

uses the same feedback, BH advection and merger algorithms used in the W'T model.

3.7 INITIAL CONDITIONS

Galaxy formation and evolution are initial value problems where we start from a
set of initial conditions (ICs) and allow the system to evolve under preset physical
laws. For the purpose of examining AGN activity in major mergers of Milky Way-like
galaxies (this study), we use Milky Way ICs produced by the GALACTICS package
(Kuijken and Dubinski 1995; Widrow and Dubinski 2005; Widrow et al. 2008). We
then modify these galaxies to include a gas disc, hot gas halo, and a central BH
(Wurster and Thacker 2013a; Williamson and Thacker 2012). In this study we follow
the same IC generation algorithms used in Wurster and Thacker (2013a). We first
provide an overview of the GALACTICS ICs which is followed by a discussion of the

associated modifications.

3.7.1 (GALACTICS

The GALACTICS package iteratively produces a Milky Way-like galaxy with a stellar
bulge, stellar disc, and a DM halo (for a detailed description of the GALACTICS
package and the equations presented below see Widrow et al. 2008). The stellar
bulge density profile (p;) is chosen to reproduce a Sérsic projected density profile; it

can be expressed as:

T P b R, 1/n
b= () e, (3.39)

where R, is the radial scale parameter (free parameter), and py is related to the bulge’s

gravitational potential (o7; free parameter) as follows:

op = {4mnb"P=IT[n(2 — p)|R2py} /2. (3.40)

26



The value of b is chosen such that R, encloses half the projected mass, or light, whereas

p is related to the Sérsic index (n; free parameter): p =1 — 0.6097/n + 0.05563 /n>.
The stellar disc has a density profile analogous to that of the Milky Way. The

disc’s density profile falls of exponentially in the radial direction and proportional to

sech? in the vertical direction as such:
paise(R, z) o< sech?(z/zg) x e F/Ha, (3.41)

R, and z4 are the radial and vertical scale heights (free parameters) respectively. For
numerical purposes, the stellar disc is truncated at Ryqune and i (free parameters).
Furthermore, the disc’s radial velocity dispersion (o) is expressed as an exponential

profile in terms of the central velocity dispersion (og,; free parameter) as follows:
oh(R) = o e He. (3.42)

For simplicity R, is set to R, = Ry.
The DM halo follows the following density profile:

_ 2?70} 1
Ph= "grd? (rfan) (1 +1/an)>

C(r;rn, 0rp), (3.43)

with C(r;ry,0m) is a truncation function'©.

The free parameters associated with
the DM halo profile are: the halo scale length (ay), the cutoff radius (ry), the width
associated with the truncation function (07,), the central cusp strength (), and the

velocity scale (oy,).

3.7.2 DMODIFICATIONS TO GALACTICS

As mentioned above, the galaxies produced by GALACTICS only include stellar (disc
and bulge) and DM (halo) components. We modify the GALACTICS output by in-

cluding: (1) a gas disc, (2) a hot gas halo, and (3) a super massive central BH. These

OC(ryry, 6rp) = %erfc (\E;T’h) €[1:0] for r € [rp, — drp = 7p]
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modifications are described in detail in Wurster and Thacker (2013a) and Williamson

and Thacker (2012).

Gas Disc

The gas disc is produced by converting 10 per cent of the stellar disc into
gas. The particles are then reflected in the x-y plane to prevent any overlap with
stellar particles. The generated disc’s scale height is larger than the observationally
motivated scale height. However, gas cooling over short timescales (a few 10Myr)
allows the gas disc to collapse into a thin disc producing a transient evolution in the
gas (i.e. a brief artificial peak in SFR). Another major result of this collapse, although
insignificant for this study!!, is a ring-shaped shock which propagates outwards in the

disc.

Hot Gas Halo

The hot gas halo, within 40kpc, has a mass equal to 2 per cent of the total
disc mass (Rasmussen et al. 2009). This total mass of the gas halo is subtracted
from the DM halo to conserve the total halo mass. The hot gas halo, follows the

observationally motivated S-profile (e.g. Cavaliere and Fusco-Femiano 1976):

Lo]" o

where pg is the central density, r. is the core radius (free parameter), and [ is the

Phgh(f) = Po

outer slope parameter (free parameter). The temperature profile of an isotropic halo

in hydrostatic equilibrium is given by (Kaufmann et al. 2007):

_pmy, 1 * GM(r)
Thgn(r) = PRa—r /T Prgn(r)—5—=dr, (3.45)

HWilliamson and Thacker (2012) demonstrated that this artificial wave dissipates quickly in both
our fiducial and low resolution simulations.
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where p is the mean molecular weight, m,, is the mass of a proton, kg is the Boltzmann
constant, and M (r) is the total mass enclosed in a sphere of radius r centered about
the galactic center. To prevent the immediate collapse of the hot gas halo, gas particles
are given an initial angular momentum, jig,(R). The angular momentum scales with
the circular velocity (vey.) and the distance from the Galactic spin axis (R) as in

Moster et al. (2011).

Black Hole

The third, and final modification to the GALACTICS output is the introduction
of an SMBH at the center of the galaxy. The BH is defined as a sink particle located
at the galaxy’s centroid and assigned an internal mass'? of 10° M, which is consistent
with Springel et al. (2005a) and Debuhr et al. (2011). We note that although the
mass of the BH is lower than the mass inferred from observations (Mpy ~ (4.36 £
0.42) x 10°My; Gillessen et al. 2009), the BH grows quickly within a few Salpeter

times due to the weak feedback at low Mpy.

3.7.3 SCALED GALAXY MODELS

Knowing that we are interested in studying AGN activity in galaxy mergers at differ-
ent mass scales, it is necessary to devise an efficient way to scale the galaxy models
to different masses as opposed to the time-consuming IC generation process. To scale
the galaxy models to different masses we follow the prescription outlined in Taranu
et al. (2013). Let I',,, be the mass scale factor (free parameter). Keeping the mass
to light ratio constant, and assuming that the Tully-Fisher relationship (V' oc L2
Courteau et al. 2007) holds, the velocity scale factor is:

I, =102 (3.46)

In order to maintain the virial equilibrium (R oc M/0?) of the system the

distances of particles from the center of the galaxy have to be scaled by the distance

12A different internal mass is used in simulations testing the effects of the seed BH mass
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scale factor:

Ly
T, =242 (3.47)

—= —2 m
F’U

This scaling in mass and distance implies the following scale factor for density:

L'y,

P Fi

r =TI, 0%, (3.48)

Hydrostatic equilibrium is maintained by scaling the temperature of the hot

gas halo. The temperature scale factor can be calculated by scaling equation 3.45:

Ip = FF—:T = 1058, (3.49)

This temperature scaling is consistent with the scaling of the virial temperature

(Tyiriat o 0% = Ty oc T2 = T%58). Note that Taranu et al. (2013) do not include

a temperature scaling as their models are generated by GALACTICS and therefore do
not include a gas component.

For example, scaling a galaxy by a mass scale factor of I',,, = 0.10 (10% scaling)

implies a distance scale factor of I', = 0.38 and therefore a density scale factor of

I') = 1.82. The velocities and temperatures should also be scaled by I', = 0.51 and
I'r = 0.26 respectively.

3.8 OVERVIEW OF SIMULATED MODELS

We have used previous work (Wurster and Thacker 2013a,b; Thacker et al. 2014)
and run new simulations using all the BH models® described in section 3.6 at both
fiducial and low resolution. Each simulation'* is evolved for 1.5 Gyr and consists of
two identical Milky Way-like galaxies initially separated by 70 kpc. The galaxies are

initialized on parabolic trajectories with respect to each other (e.g. Springel et al.

13The low mass (mass-scaled) galaxies were simulated using only the PNK and WT models

The fiducial resolution ONB model was evolved for 1.2 Gyr. Due to the non-local feedback pre-
scription in the ONB model, a dense galactic core formed around the BH resulting in a significantly
larger wall-clock time per step. The fiducial resolution, low mass models were also evolved for 1.2
Gyr due to time constraints.
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Galaxy Component Parameter Value

Stellar Bulge® Ob 292 km s 1
R, 0.7 kpc
n 1.1
Stellar Discf Rq 2.46 kpc
Zd 0.49 kpc
Rirunc 30 kpc
Ztrunc 1 kpc
ORQ 119 km s~!
Dark Matter Halof an 13.6 kpc
Th 275 kpce
orn 25 kpc
Oh 330 km s
Y 0.81
Hot Gas Halot Te 1.75 kpc
15} 2/3
I 0.6
Galaxy Scaling? T 0.1 or1.0

Table 3.2: The free parameters used to produce Milky Way-like galaxy models.

1 denotes parameters used in GALACTICS such that the associated components’ masses are
consistent with Springel et al. (2005a); see §3.7.1.

I denotes parameters that were used when modifying the GALACTICS output (Moster et al.
2011; Kaufmann et al. 2007); see §3.7.2 and §3.7.3.

2005a). Each galaxy has a total mass of 9.60 x 10" Mg (9.60 x 101 M, for the
low mass models) divided amongst 1,287,743 (168,351) particles in the fiducial (low)
resolution simulations. For a detailed component breakdown of each galaxy consult
table 3.3. A Plummer softening length of 120 pc (300 pc) is used in the fiducial (low)
resolution simulations. Note that when the galaxies are scaled by mass the number
of particles remains constant. However, the Plummer softening length is scaled by
the distance scaling factor (see §3.7.3). The free parameters used to generate the 1Cs

along with their their associated values are shown in table 3.2.
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3.9 AcTIvITY FUNCTION CALCULATIONS

We are particularly interested in studying AGN activity by tracking the AGN activity
function. The activity function is calculated differentiating the time spent above a
given Eddington ratio (t(> \)):
AF = L) (3.50)
CdA ' '
To minimize the artificial effects due to stabilization of the initial transients of the ICs,
and restrict the focus on the merger and post merger epochs, we limit our analysis to
times later than 600 Myr.
At every iteration (i), the BH accretion rate (M%) and the Eddington rate

(M%) are calculated. The Eddington ratio (\°) is then calculated as follows:

L Mz
= _BH (3.51)

\o=
- :
Liaa Mgy

The time spent at a given iteration is assumed to be the timestep (6t) at the iteration.

Hence, the time spent above a given Eddington ratio is:

H>N) =[5t -HX = N)], (3.52)

%

where H is the Heaviside step function.
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Chapter 4

SIMULATION RESULTS & DISCUSSION

The main purpose of this work is to constrain the predictions of simulated BH models
with observationally implied results as a means to help understand the shortcomings of
the current generation of models. We study AGN activity in major merger simulations
using different BH models and initial conditions (ICs). This chapter presents the

results of the simulations used in this study.

4.1 SIMULATION CALIBRATION

Before we present the simulation results it is important to test the sensitivity of
the results to various factors such as minor variations in the ICs, and other numer-
ical artifacts. All BH models, ICs, and the star formation algorithms have already
been comparatively well tested and calibrated by Wurster and Thacker (2013a,b),
Williamson and Thacker (2012), and Thacker and Couchman (2000), respectively.
However, in this section we further test the sensitivity of our models to run-to-run
variations, random number generation effects, as well as differences in the ICs (e.g.
rotational orientation). It is important that different runs of the same ICs, or ICs with
different initial random seeds for the particle distributions, do not cause significant
differences in the results. In other words, constraining artificial /numerical variations
will yield a limit, analogous to experimental uncertainty, within which the results are
robust. The calibrations were done for models WT; and PNK0505; due to the limited
time and computational resources available. Tests using low resolution simulations
provide a good first order comparison of the models and also amplify the impact of

run-to-run variations due to the increased discreteness of the low resolution models.
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4.1.1 RUN-TO-RUN VARIATIONS

We first examine the differences in the results among different runs of the same simula-
tion. The differences probed by this test are due to numerical effects (mainly floating
point arithmetic effects, i.e., truncation, rounding errors) introduced by running in
parallel. Because calculations are distributed across processors differently from run
to run, we can get different rounding errors. The runs were performed on different
nodes (16 cores each) using the same BH models (WT and PNKO0505) and ICs. Fig-
ures 4.1 and 4.2 show a comparison of the BH accretion rates!, SFR, BH mass, and
the resultant activity function between different runs using the two different models.
Different runs (using the same models and ICs) produce similar results: The four
runs using the W'T model yield BH masses, SFRs, and accretion rates that deviate
from the average by a maximum of 5%, 92%, and 43% after 1.5 Gyr respectively.
The PNKO0505; runs produce final BH masses, SFRs, and accretion rates that deviate
from the average by a maximum of 3%, 69%, and 30% respectively. The intermediate
BH mass and SFR deviate within less than 80% from the average. Note that the high
deviations in the SFR in the final states are exaggerated because of the low SFRs
after the merger.

On the other hand, the activity functions show some differences, primarily in
that they extend to lower Eddington ratios and have more power at lower Eddington
ratios. At low A the BH is accreting at low rates and is consequently more impacted
by differences between simulations. So we should anticipate differences in this regime.
The low A tail in the PNK runs deviates for A < 2 x 1073 (different slopes) and has a
cut-off that ranges between A ~ 5 x 107° and A ~ 5 x 1074, In the case of the PNK
model, the flat tail of the activity function is governed by the decay rate of mass from
the accretion disc to the BH. Variation at low Eddington ratios is inevitable because

of the low number of particles contributing to the local density around the BH.

!Note that all plots of the BH accretion rate and SFR show the associated quantities averaged
over bins of 10 Myr.
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The central dip in the WT model varies between A\ ~ 4 x 1072 and A\ ~ 1072,
while the low A cutoff ranges from A ~ 107 to A ~ 3 x 10~% The high A peaks
(WT: A > 2 x 107% PNK: A > 2 x 1073) are in good agreement for both models.
Overall, although there are some differences, all activity functions, for a given model,

are qualitatively similar and differ precisely where numerical resolution is expected

to be an issue.

SFR [M,/y1]

4 1 1 1 1 1 1 1

0 02 04 06 08 1 12 14 0 02 04 06 038 1 1.2 14
time [Gyr] time [Gyr]

Mgy [M/yr]
dvdLog(Asgn)

10 _ 0% 10° 10% 10 10! 10
0 02 04 06 08 1 12 14

time [Gyr]

AAGN

Figure 4.1: A comparison between four low resolution runs (denoted by different colors) using
the WT model. The sub-figures show the total BH mass (sum of the two BH masses), total

SFR, total BH accretion rate, and the activity function throughout the simulation. Different

runs show -expected- similar results.
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Figure 4.2: A comparison between three low resolution runs (denoted by different colors) using
the PNK model. The different colors denote different runs. The sub-figures, in clockwise order,
show the total BH mass (sum of the two BH masses), total SFR, activity function, and the
total BH accretion rate throughout the simulation respectively. Different runs show -expected-

similar results.

4.1.2 1IC SEED

The motivation of this section is to check whether small differences in the initial
conditions (mainly due to random number generators or numerical artifacts such as
truncation errors) yield significant differences in the final results. Here we test the
effects of different random seeds in the IC generator, which determines the placement
of particles, on the final results. The low resolution test simulations used the PNK0505

model; their results are shown in figure 4.3. Note that differences due to initial seeds
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are exaggerated at lower resolutions because of the increased discreteness. The final
BH mass, SFR, and accretion rate vary from their average within a maximum of

5%, 93%, and 69% respectively. These values are broadly similar to the run-to-run

variations.
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Figure 4.3: A comparison between four different low resolution simulations (denoted by the dif-
ferent colors) using the PNKO0505 model starting from ICs with different random number seeds.
The sub-figures, in clockwise order, show the total BH mass (sum of the two BH masses), total
SFR, activity function, and the total BH accretion rate throughout the simulation respectively.
Changing the random seed did not affect the final BH mass (5% variation) however it had visi-
ble effects on the SFR, (93% variation), accretion rate (69% variation) and the intermediate BH
mass. The low A tail and cut-off of the activity function were somewhat different between the
simulations. These differences should be taken into considerations when comparing simulations

with different ICs.

68



It is also worth noting that there are some obvious differences in the intermedi-
ate accretion rate as well as the SFR and intermediate BH mass during the simulation.
On the other hand, the activity functions produced by the different simulations are
in close agreement for A > 2 x 1073 contrary to the low A tail which is affected by
the mass transfer from the accretion disc onto the BH and the frequency of particle
accretion, and therefore the stochasticity of the BH’s environment. However, the low
A tail is not very well predicted for different seeds as the tail’s slope and cut-off for
A < 2x 1072 shows differences. These variations provide an uncertainty within which
data from simulations with different ICs is considered to be in agreement. This also
highlights the challenge of having agreement between the intermediate evolution of
different systems due to the chaotic nature of accretion of small increments of mass.
Similar results are expected in the activity functions of simulations with different IC
seeds using the WT model (see run-to-run variations). The activity functions are ex-
pected to agree for A > 2 x 1073 with some discrepancy in the low luminosity cut-off

(A < 1073) due to the increased discreteness.

4.1.3 BH SEED MASS

Once the various feedback and star formation algorithms are set, galaxy evolution is
considered an initial value problem. Therefore understanding the effects of variations
in the initial conditions is necessary. Moreover, when studying galaxy evolution and
mass accretion onto black holes, one must understand the effects feedback can have
on the galaxy and the simulations’ final output. Therefore, examining the effects of
the initial BH mass on the simulation reveals valuable information about the feedback
mechanism and the comparative stability, or instability, of the galactic system against
feedback. In fact this presents a test of how well the models (physics) can predict the
final BH mass as a function of the seed mass, and is clearly a test of the physics rather
than just numerical effects. Note that changing the BH seed mass effectively changes

the simulated system therefore we might not necessarily expect the same results (e.g.
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AF, SFR, BH mass). Figure 4.4 shows different low resolution simulations using the

WT? model and starting from the same ICs with a different BH seed mass.
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Figure 4.4: A comparison between four different low resolution simulations (denoted by the
different colors) using the WT model starting with the same ICs but with a different BH
seed mass. The sub-figures, in clockwise order, show the total BH mass (sum of the two BH
masses), total SFR, activity function, and the total BH accretion rate throughout the simulation
respectively. With the exception of the simulation with an initial BH mass Mpy = 10% Mg,
which exhibits violent feedback therefore hindering the BH’s growth and leading to a lower SFR
and accretion rate, changing the BH seed mass did not significantly influence the final BH mass
or SFR; the BH mass and SFR converged to values that agree within less than a factor of two.
The activity functions show some differences (high X\ peak, low A tail) but still exhibit a wide
lognormal shape.

The simulation with BH seed mass Mgy = 10® M, exhibits violent feedback
which reduces the SFR as well as the accretion rate onto the BH thus hindering

the growth of the BH and leading to vastly different morphologies. The BH in the

2We limit our analysis to the WT model because of its superior ability to model BH properties
and the time constraints of this study.
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simulation is also well beyond the M — o relationship which is unrealistic. Therefore
we will ignore this simulation in our comparison. For the simulations with a seed BH
mass Mpy € {105,105, 107} M, the feedback mechanism self regulates the system
leading to similar properties at the end of the simulations: The final BH mass, SFR,
and BH mass accretion rate deviate from their average by a maximum of 1.5%, 37%,
and 27% respectively. Note that the models, although differing in their ICs, produce
similar final BH masses with little deviation.

On the other hand, the simulations with BH mass Mgy < 107 Mg, have activity
functions with similar features showing trends consistent with AGN feedback: Using
a higher BH seed mass, causes a shift in the high A peak of the activity function to
lower Eddington ratios. This expected shift is consistent with AGN feedback being
more aggressive for higher BH masses, therefore forcing an approximate equilibrium
in terms of the local density (accretion rate) and feedback at lower densities. The
peaks for the simulations with BH seed mass Mgy = 10°,10°%, 107 and 10® M, are at
A~ 10714 x1072,1.5 x 1072 and 7 x 10~ respectively. Also, we observe a shift in
the low A cut-off of the activity function to lower Eddington ratios (Mpy = 10%% M)
or a significant increase in the amount of time spent at moderate Eddington ratios
(Mpy = 10" Mg). Although different BH seed masses yield similar final BH mass,

the produced activity functions are expectedly different.

4.1.4 INITIAL GALACTIC ROTATIONAL ORIENTATION

The galaxies modeled in this study are all set on parabolic paths with their gas
component’s angular momentum aligned with the dark matter’s angular momentum
(i.e. both gas and dark matter components rotate in the same direction; which we
denote PP for prograde-prograde). In this section we examine the effects of changing
the rotational velocity of the gas component on the final system. Changes in the
rotational velocity of the gas component manifest as changes in the total angular
momentum of the remnant gas and therefore changes in the accretion rate as gas

becomes more prone to gravitational collapse.
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Figure 4.5 shows a comparison between simulations with different rotational
orientations for the gas component using both the WT and PNK models. Changing
the rotational orientation of the gas component (both galaxies have retrograde gas
rotational velocities; RR) allowed earlier growth in the BH mass in the PNK model
due to the delayed feedback while the WT model’s feedback implementation regulates
the system on time-step scales. The peak in accretion at ~ 0.06 Gyr (~ 0.15 Gyr)
in the PNK0505, (WT)) model induces a significant burst of feedback which drives
the accretion to low values therefore causing the initial deviation in the intermediate
BH mass. The feedback burst is more effective in the PNK model compared to
the WT model: The PNK model implements kinetic feedback which is efficient at
creating a long lasting void around the BH (low densities) as opposed to the thermal
feedback in the WT model which can drive outflows (Wurster and Thacker 2013a).
This causes the BH growth in the PNK0505 model to be delayed further as well as
causing the SFR to drop sharply at later times as compared to the gradual decrease
in the WT model. Another burst in accretion occurs at the time of the core merger
(t ~ 1.0Gyr). The feedback associated with this burst in accretion blows the gas
away in the PNK model sharply halting any further accretion and star formation,
while the W'T model’s, less effective, feedback heats the surrounding gas causing a
gradual drop in the gas density in the BH’s neighborhood and therefore gradually
halts accretion and reduces star formation.

The results of the simulation where only one galaxy’s gas component is in
retrograde rotation (PR) are less different than those of the RR simulation when
compared to the PP run. Nonetheless, despite the aforementioned differences, all
three simulations are within 27% and 8% for the final BH mass for the WT and PNK
models respectively. Note that larger differences are observed in the intermediate BH
mass for reasons already discussed. The final SFR varies within 25% of the average in
the WT model while the SFR in the PNK model varies by ~ 60% from the average.

Because of the low SFR values, larger differences are expected.
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Figure 4.5: A comparison between six low resolution simulations (denoted by the different
colors) using the WT; and PNKO0505; model and starting from the ICs only differing in their
gas rotational velocity direction. The left (right) column shows the simulations using the WT,;
(PNKO0505;) model. The different rows show (top to bottom) show the total BH mass (sum
of the two BH masses), and the total SFR, and the accretion rate respectively. Changing the
direction of the gas’s rotation had a significant impact on the instantaneous BH mass and SFR

which is attributed to the difference in the angular momentum in the merger’s remnant.
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The activity function of each of the simulations is shown in figure 4.6. Chang-
ing the gas’s rotational orientation does not significantly affect the activity function
(within run-to-run variations) in the WT model: The episodes of high accretion rates
are associated with feedback bursts that push the low accretion cut-off to lower Ed-
dington ratios with an increase in the time spent at the Eddington luminosity (A ~ 1).

However, the activity functions produced by the PNK model are significantly
different. The RR activity curve shows a strong peak at high Eddington ratios (A ~
1) which is consistent with the gas having less angular momentum and therefore
collapsing and allowing high accretion rates. The high accretion rates are associated
with powerful feedback that halts further accretion. However, the accreted mass onto
the ADP can still transfer onto the BH giving rise to a long lasting flat low A tail.
On the other hand, the PP and PR activity curves are in agreement with minor
differences in the PR’s low A tail which is governed by the mass transfer from the

accretion disc onto the BH and the frequency of particle accretion onto the ADP.
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Figure 4.6: A comparison between the activity functions of two low resolution simulations
(denoted by the different colors) starting from the same ICs only differing in their gas’s rotational
orientation. The left (right) figure shows the simulations using the WT; (PNK0505;) model.
Changing the gas’s rotational orientation did not affect the activity functions of the WT model
contrary to those of the PNK0505 model.
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4.1.5 GALACTIC INCLINATION

In addition to aligning the galaxies’ gas angular momentum vector (rotational orien-
tation), the galactic planes are also aligned which is a comparatively unlikely scenario.
Here, we test the impact of changing the galactic disc alignments on the final rem-
nant. We compare two low resolution simulations using the WT model and initial
alignments a € {0°,90°} where « is the angle between the normal vectors (7 & 72)
of the disc planes (o = arccos(fi - ny)). Figure 4.7 shows a comparison of the results
of the aforementioned simulations.

Although altering @ changes the morphology of the remnant, the simulations
with different inclinations yield final BH masses, SFRs and accretion rates that vary
within 4%, 8%, and 14% from the averages, respectively. It is worth noting that
although the final BH mass, SFR, and accretion rates closely agree, the simulation
with a = 90° shows a delay in the BH merger (notice the delayed decrease in the
SFR and accretion rate). On the other hand, the activity functions produced by both
simulations agree for high Eddington ratios (A > 0.1) although the tilted simulation
spend more time at Eddington luminosities. The simulation with higher inclination
shows more activity at intermediate Eddington ratios (A € [1072 : 107!]) while the
low A\ cut-off extends to slightly lower Eddington ratios. Also, the low A\ peak is not
prominent. These features are consistent with AGN feedback due to high accretion
rates (A ~ 1) causing the BH to accrete more at intermediate and low Eddington

ratios. The differences can again be related to the different dynamics of the remnant.
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Figure 4.7: A comparison between two low resolution simulations (denoted by the different
colors) using the WT model and starting from the ICs only differing in their inclination. The
sub-figures show the total BH mass (sum of the two BH masses), total SFR, total BH accretion
rate, and the activity function throughout the simulation. Changing the inclination of the
galaxies has insignificant effect on the final BH mass, SFR, and accretion rate (variations less
than 15% from their respective averages). However, there are some minor observed differences
in the instantaneous values where the simulation with higher inclination shows a delayed BH
merger. The activity functions are qualitatively similar with some differences in the low-A cut-
off, low-\ peak, as well as the activity at intermediate Eddington ratios. These differences can

be attributed to the different dynamics of the remnant.
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4.1.6 PNK: Viscous TIMESCALE

The PNK model has two basic free parameters: the accretion radius and the viscous
timescale. As shown in figure 4.9, the activity functions produced by different PNK
models can be significantly different. In this section we examine the effects of using
different timescales on the BH mass, SFR and the activity function. We will ignore
PNKO0205, and PNKO0510 in this comparison as they produce nonphysical results
(Wurster and Thacker 2013b). Figure 4.8 compares high resolution simulations using
different PNK models. The simulations used in this section were run and analyzed in
detail by Wurster and Thacker (2013b).

Different PNK models produce BH masses and SFRs that vary within 15%
and 27% from the average respectively. Changing the radius of accretion does not
appreciably change the activity function (see PNK0505 and PNK1005). However,
decreasing the viscous timescale associated with the ADP significantly alters the
activity function. Because matter is transferred faster onto the BH, the BH can spend
more time at around the Eddington luminosity. Associated with the high accretion
rates, AGN feedback halts the accretion causing the BH to accrete at lower rates
therefore extending the low A tail and creating a peak at intermediate Eddington
ratios (A ~ 0.01).

Conversely, increasing the timescale allows a longer delay in accretion and
therefore feedback. This results in more significant differences around the BH (higher
densities with more gas accumulating due to the longer periods with minimal feed-
back) which, in turn, allows higher accretion rates after the gas has accumulated.
This behavior causes a truncation in the lower A tail of the activity function as the

BH spends less time accreting at lower rates.
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Figure 4.8: A comparison of high resolution simulations using the PNK model with different
values for the viscous timescale and the accretion radius. We ignore the analysis of PNK0510
and PNK0205 which yield nonphysical results (Wurster and Thacker 2013b). Changing the
PNK viscous timescale does not seem to strongly affect the BH mass or SFR (15% and 27%
variation from their respective averages). However, decreasing the viscous timescale yields more
activity at the Eddington luminosity (A ~ 1). To the contrary, changing the radius of accretion

does not seem to have a significant impact on the resultant AF.
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4.2 AGN ACTIVITY: MORE DETAILED ANALYSIS

Having demonstrated the expected differences in the results due to differences in
the ICs and model parameters (see §4.1), we now proceed to presenting the simu-
lation results. In this study we are interested in examining some key properties of
the AGN activity function. As discussed in chapter 2, the activity function can be
related to the luminosity distribution of AGN (Hopkins and Hernquist 2009). There-
fore, understanding and constraining the activity function is essential for constraining
BH activity in galaxy evolution models and understanding the evolution of different

galactic properties (Hickox et al. 2014).

4.2.1 AcTIVITY FUNCTIONS

This section presents the activity functions produced by high resolution simulations
using the models presented in table 3.1 and described in detail in chapter 3. Note that
the activity functions were calculated for ¢ € [0.6,1.5] Gyr to minimize the artificial
effects due to stabilization of the initial transients of the ICs, and restrict the focus
on the merger and post-merger epochs.

Figure 4.9 and the lower panel of figure 4.8 show the activity functions pro-
duced by fiducial resolution simulations using the aforementioned models. The first
observation is that none of the presented models reproduce the activity function in-
ferred from observations (Schechter function; e.g. Hopkins and Hernquist 2009): The
modeled AGN spend less time being quiescent (at low Eddington ratios), than in-
ferred from observations. The models produce either a flat distribution (BS), a wide
lognormal-like distribution (WT, DQM), a lognormal distribution with a skewed high
A tail (SDH), or a peaked activity function at high A with a low A tail (PNK, HPNK).
The low A tail of the PNK distribution is related to the mass transfer from the accre-
tion disc onto the BH. Other models have a finite cut-off in Eddington ratios which is
caused by the mass resolution of the simulations defining a minimum accretion rate
and hence minimum luminosity and Eddington ratio. Variations of the presented

models produce activity functions similar to those produced by the parent model.
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dt/dLog(Aygn)

Figure 4.9: The activity functions of high resolution simulations using the models in table
3.1. None of the seven models reproduce a Schechter-like activity function as inferred from
observations.

However, before even interpreting these results it is important to emphasize
that the results integrate over a broad spectrum of BH masses and should ideally be
considered within small mass ranges. Note that the activity function is related to
the quasar luminosity distribution at a given mass (see equation 2.3). In the next

sections we will examine the AF’s dependence on various galactic properties.

4.2.2 ActTIiviTy FuncTiONs AND BH MASs

So far we have been calculating the AGN activity function without any distinction
between BHs of different masses. However, the activity function is usually derived on
a mass dependent basis. Therefore, it is more insightful to examine the mass depen-
dent activity functions produced by different models. Note that this may introduce
some bias to the analysis because a given BH mass is directly proportional to the
time/stage of evolution in the merger. Nonetheless, examining the mass dependent
activity function will still shed some light on the activity of AGN in different lumi-

nosity regimes. Figures 4.10 & 4.11 show the mass dependent activity function of the
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AGN evolved using the models in table 3.1. The BS, SDH, and WT models seem
to qualitatively reproduce a Schechter trend in their passive stage (high BH mass).
Contrarily, HPNK shows an increasing time as a function of Eddington ratio at low
Eddington ratios for all BH masses (the AF increases to a peak dt/dlog A then de-
crease again). In the the ONB model, the non-local feedback prescription allows the
formation of a dense galactic core (Wurster and Thacker 2013b). This behavior pro-
duces a constant accretion rate which limits the activity functions to lognormal-like
peaks at moderate Eddington ratios. ONB still shows an expected shift (although
small) in the activity function to lower Eddington ratios at higher BH masses (higher
BH mass with a constant accretion rate yields a lower Eddington ratio). Model SDH,
shows an increase in the time spent at lower Eddington ratios for higher BH mass
(shift in the peak to lower A\) with a decrease in the time spent at high Eddington
ratios. On the other hand, model DQM shows a lognormal activity function, peaked
at moderate to high A , for all masses with an insignificant low A tail at some masses.
Lastly, the PNK0505% model shows an increase in the time spent at lower Eddington
ratios for high BH masses although it still does not reproduce the Schechter function
shape.

None of the models reproduces the AF inferred from observations (Schechter
function) when integrating over the entire merger time. However, at high BH masses
(passive stages of the evolution) all models spend consistently more time at lower
Eddington ratios. During the passive stages of the evolution, the W'T model produces
an activity function that qualitatively best resembles a Schechter function (consistent
with observations). The AF produced by the WT model at high BH mass shows a
sharp decline in activity for A > 2 x 1072 and a increasing low \ tail with maximum
activity at A ~ 2 x 107*. This resembles a Schechter function with a knee at \ ~
2 x 1072, A close second is the BS model which produces a Schechter like AF at high
BH mass; however, the decline in activity at high Eddington ratios is very shallow

and the low X tail is flat.

3All other PNK models, except PNK0205 and PNKO0510 which produce nonphysical results
(Wurster and Thacker 2013b), produce similar activity functions for different mass bins
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Figure 4.10: The mass dependent activity functions of high resolution simulations using mod-
els WT, SDH, BS, and ONB(see table 3.1). Note that the other three models are shown in figure
4.11. Some models produce a monotonically decreasing activity function during the galaxy’s

passive evolution which is consistent with the activity function inferred from observations.

4.2.3 POWER SPECTRUM OF THE AGN ACCRETION RATE

The accretion rate shows variations on different time scales during the simulation.

These variations are governed by the properties of the local gas in the BH’s neighbor-

hood as well as the streaming of galactic gas onto the central region. Understanding

the timescales associated with the variation of the accretion rate may help shed some

light on the internal physical properties governing the accretion process although

the inference is non-trivial.

Figure 4.12 shows a comparison of the power spectra
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Figure 4.11: Same as figure 4.10 using models HPNK, PNK0505, and DQM. Note that the
activity function represented by a delta function at A = 1 for some intermediate mass bins
during are not shown in this figure.

of the BH Eddington ratio of different models in high resolution simulations. The
power spectrum (PS) of the Eddington ratio contains valuable information pertain-
ing to the timescales that best describe the variations in accretion and therefore the
various processes involved (Novak et al. 2011). The frequencies were limited to a
minimum of the inverse of the time of the simulations (1/1.5Gyr ') because varia-
tions on timescales larger than 1.5 Gyr cannot be extracted from observations over
the simulation timescales. The error bars represent a 1o variation within a frequency
bin.

The high frequency peak observed in all models is caused by the chaotic behav-

ior in the immediate neighborhood of the BH as well as numerical artifacts, primarily
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the discreteness of accretion. Nonetheless, despite the complicated underlying physics,
all models show a similar trend in their PS (proportional to 1/f?) for f < 10 Myr*
which is, intriguingly, consistent with a superposition of random noise and a decay
in the Eddington ratio (increasing BH mass and/or decreasing accretion rates). Note
that 1/f? noise, also referred to as Brown noise, is common in systems exhibiting
stochasticity. Here the BH evolves in a chaotic gaseous medium. Therefore the
change in the accretion rate can be expressed as a function of the accretion rate and
a stochastic term representing the chaotic properties of the BH environment. The
models also show features of white noise at low frequencies (f ~ 1073 Myr ™).

The ONB model shows minimal variations from the 1/f? power law. The
origin of such behavior is not fully understood; it may be due to the BH residing
in a slowly changing environment caused by the balance between gas inflow into the
galactic core and gas accretion (due to the non-local feedback) and therefore accreting
at a steady accretion rate affected only by the stochastic environment.

On the other hand, the peak in the PS of some models (BS, WT, SDH, &
HPNK) at f ~ 0.3 Myr~! may be attributed to the rapid variations in the gas char-
acteristics around the BH due to feedback outflows and BH motion. All the models
showing a peak implement thermal feedback (heating); because cooling timescales are
temperature dependent, an increase in the power is observed over a range of frequen-
cies f € [~ 0.3 :~ 25| Myr~!. This is consistent with the power spectrum of brown
noise including a driving term (fluctuation dissipation theorem). Including driving
terms (feedback and cooling) produce peaks in the power spectra of the brown noise.

The wind models (PNK and DQM) follow the 1/f? power law with some
peaks? in power at intermediate frequencies which may be related to the re-collapse

of material after being ejected due to feedback.

4The peak at ~ 3Myr~ ' in the DQM model may be due to the different evolution of the system
caused by the constant tracer mass (Wurster and Thacker 2013a).
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Figure 4.12: A comparison between the power spectra of the BH Eddington ratio of high

resolution simulations using different BH models. The error bars show 1o variations in the

power. The models follow a somewhat surprising 1/f2 power law which is consistent with a

superposition of random noise and a decay in the accretion rate.



4.2.4 W'T: MODIFIED BONDI ACCRETION

The activity function encapsulates important information pertaining to BH activity
in a galaxy. Knowing that BH activity is directly correlated with the accretion rate,
it is interesting to observe the effect of changing the accretion rate power law on the
activity function. While the physics of BH accretion is well prescribed, the relation
between small and large scales is interpolated in simulations. So the consideration
of the effective power law for accretion is at least moderately motivated (such con-
siderations underlie the BS model). We are particularly interested in examining the
effect of changing the accretion rate on the low A tail of the activity function (i.e.
reproducing the observed low A tail of the Schechter function by allowing the BH to
spend more time at lower accretion rates) while maintaining the impact of accretion
on the galaxy.

Starting from the Bondi accretion rate shown in equation 3.23, we modify it
by changing its dependence on the local density (p). The density term is raised to the
power k£ € {0.5,2,3}. To maintain a proper normalization in the accretion rate, we
change the free parameter, «, such that («, k) € {(10,0.5),(0.1,2),(0.01,3)}. Figure
4.13 shows the effect of changing the accretion rate used in the WT model in three low
resolution simulations using the same ICs. The SFR exhibits negligible change (within
less than a factor of 2 from the average) before the core merger (¢ ~ 1.0 Gyr), with
some notable differences (a factor of 2.25 from the average) in the later stages of the
simulation. The BH growth shows minimal differences with a final BH mass varying
within 18% of the average. Although the system’s self regulation produces merger

remnants with similar properties, the activity functions show notable differences.
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Figure 4.13: A comparison of three low resolution simulations using the WT model with
different accretion rates. The top row shows the BH mass during the simulation, the middle
row shows the SFR and the third row shows the activity function. Altering the accretion rate’s
dependence on the local density changed the final BH mass and SFR by less than a factor of

two. The activity function is smoother for a higher dependency on density; it also has a tail

extending to lower Eddington ratios.
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Increasing the dependency on the density (increasing k), increases the time spent at
Eddington luminosities, A ~ 1. Note that the increase in the time spent at A ~ 1
reaches a maximum (i.e. Mpy o p*®); this is due to AGN feedback. However,
feedback due to high accretion rates regulates the system forcing the BH to accrete at
lower Eddington ratios and therefore extending the low A\ tail of the activity function
to consistently lower Eddington ratios. Moreover, increasing the value of x, reduces
the dip at intermediate Eddington ratios and therefore the activity function appears
to be smoother. However, changing the dependency of the accretion rate on density

does not allow us to reproduce the activity function inferred from observations.

4.2.5 MASS DEPENDENCE OF THE ACTIVITY FUNCTION

In this section we examine the effects of the galaxy mass on the AF. We present
low and fiducial resolution simulations of galaxies that have been scaled by a factor of
0.1. This is motivated by observations suggesting that the activity function is mass
invariant (e.g. Hopkins and Hernquist 2009) as well as the aforementioned results:
Scaling the galaxy mass implies an equivalent scaling the BH seed mass which will
affect the AF (section 4.2.2 demonstrates that the AF shows significant dependence
on the BH mass). Moreover, changing the galaxy seed mass affects the cumulative
gas mass available in the simulation and therefore the amount of gas available for
accretion.

Because of the similarities in the AFs of the models, we continue the analysis for
two models only: WT and PNKO0505. The W'T model is chosen because of its superior
ability to model BH properties (Wurster and Thacker 2013a,b; Thacker et al. 2014)
and the similarities between the produced AF and the one inferred from observations
during the passive stage. The PNK model is chosen because of its distinct accretion

mechanism (see §3.6.6) that follows/predicts down to very low accretion rates.
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Low Mass - Low Resolution Simulations

Figure 4.14 shows the AFs produced by the low mass galaxies compared to those
produced by the unscaled Milky Way like galaxies using both the WT; and PNK0505;

models.
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Figure 4.14: The AFs produced by low resolution simulations with low mass ICs using the
WT model (left) and PNK0505 model (right) compared to simulations with unscaled Milky
Way like ICs. Reducing the galaxy mass impacts the low A tail and the intermediate \ peak
(A ~ 1072) of the AF in both models. The impact on the high A activity (A ~ 1) is model

dependent.

The low mass simulations using the WT; model show a significantly different
growth in the BH mass over the simulation time (see figure 4.15): The BH grows by
a factor of ~ 263 in the the low mass simulations as opposed to the growth of ~ 184
times in the high mass simulations at the same particle resolution. A significant
portion of this growth (a factor of ~ 17 in the low mass simulations and ~ 9 in the
low resolution high mass galaxies) happens during the merger following an epoch of
intermediate accretion which allows the formation of a dense nucleus and therefore
high accretion rates. This is consistent with the BH accreting at the Eddington
luminosity which is reflected in the AF as an increase in the activity at A ~ 1.
Moreover, the high Eddington ratios are associated with a powerful feedback burst

at the core merger. This feedback coupled with the lower particle masses in the low

mass simulations, allows a lower A cut-off in the low mass simulations using the WT,
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model®. We caution that the increase in activity in the low mass simulations at low A
may be slightly affected by the fact that the integration in the passive stage is longer
(core merger at ~ 0.72 Gyr in the low mass simulations compared to ~ 1.0 Gyr in the

high mass simulations).
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Figure 4.15: The total BH mass produced by low resolution simulations with low mass ICs
using the WT model (left) and PNKO0505 model (right) compared to simulations with unscaled
Milky Way like ICs. The low mass galaxies using the WT model show more significant BH

growth during the merger (¢ > 0.6 Gyr) when compared to the higher mass galaxies.

On the other hand, the PNK0505;, model exhibits similar activity to the WT;
model. During the merger, the BH accretes at high Eddington ratios, A > 107!, until
a burst of feedback (at the core merger) creates a void around the BH shifting the
accretion to lower Eddington ratios and therefore creating the low A peak (A ~ 1072).
Note that the low mass simulations show less activity at high Eddington ratios (lower
peak) when compared to the high mass galaxies because the merger concludes faster.
The effects of the feedback burst at the core merger can be seen as a sharp decline in
the BH accretion rate as well as the densities around the BH after the merger causing
a prominent dip in the activity function which becomes slightly bi-modal.

Also, reducing the gas particle mass allows lower accretion rates, and therefore

less feedback, during the post merger stage; this reflects as more frequent accretion

5Contrary to the PNK0505; model where reducing the particle mass allows more frequent accre-
tion during the passive stage and therefore cuts off the low A tail at higher Eddington ratios.
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during the post merger stage and therefore the low A tail does not extend to low Ed-
dington ratios (A ~ 107°). Similar behavior is observed when increasing the particle
resolution in the fiducial simulations. The low A tail is caused by mass transfer from
the accretion disc onto the BH. Increasing the time between accretion events causes
the low A tail to extend to lower Eddington ratios. However, with the low accretion
rates and therefore weaker feedback, particles accrete onto the ADP more frequently
and therefore interrupt the mass transfer giving rise to a truncated activity function
(sharper cut-off at lower Eddington ratios).

The aforementioned differences in the AFs of the low and high mass simulations
are reflected by other physical quantities: The BH growth being reduced during the
merger (less activity at the Eddington luminosity; contrary to the WT; model) in the
low mass simulations (a factor of ~ 3.5 vs. ~ 7 in the high mass simulation). However,
the total BH growth during the simulation is higher in the low mass simulation; the
ratio of the final BH mass to the initial BH mass is ~ 314 (~ 281) for the low mass
(high mass) simulation.

One can also compare the mass dependent activity function in the low mass
simulations and that of the high mass simulations; such a comparison is shown in fig-
ure 4.16. For both galaxy masses the WT model shows qualitatively similar behavior
(see §4.2.2): The produced AF resembles what is inferred from observations (Hopkins
and Hernquist 2009) during the passive stages of evolution (high BH mass) and the
AF peaks at consistently lower Eddington ratios for higher BH mass. The PNK0505
model does not reproduce what is observed, however it shows a shift in the peak of
the AF to lower Eddington ratios during the post merger epoch. For a more detailed
description see section 4.2.2.

Given the differences in the ICs of the low and high mass galaxies (i.e. different
BH mass and particle mass), the ratio Msu/mpy, (ratio of the BH mass to the initial
BH mass) presents a more useful indicator of evolution than the BH mass as it closely
scales with time independent of the galaxy mass. This allows a direct comparison

between the low mass and high mass galaxies. Figure 4.17 shows the activity functions
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produced by the low mass and high mass galaxies using models WT; and PNK0505;.
The aforementioned figure explicitly indicates that the AF shifts to lower Eddington

ratios during the passive stages of the evolution.
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Figure 4.16: The mass dependent AFs produced by low resolution simulations with low mass
ICs (right) using the WT (top) and PNKO0505 (bottom) models compared to simulations with
unscaled Milky Way like ICs (left). For a given model, both low mass and high mass galaxies
exhibit similar behavior at different stages of the evolution. Note that the activity function

represented by a delta function at A = 1 for some intermediate mass bins are not shown in this

figure.

Motivated by the shift in the AF to lower Eddington ratios for higher BH mass

(which we associate with passive evolution), we next directly examine the effect of

92



evolution on the activity function. Figure 4.18 shows the activity function produced
by low and high mass galaxies using models W'T' and PNKO0505 across pre and post
merger stages. The core merger times are shown in table 4.1. For both galaxy masses,
the models show more activity at lower Eddington ratios during the passive stage of

the evolution as the activity function shifts to lower Eddington ratios.

Model Galaxy Mass | tmerge |GyT]
high mass 1.00
WT,
low mass 0.72
high mass 1.07
PNKO0505;
low mass 0.73
high mass 1.02
WT
low mass 0.74
high mass 1.01
PNKO0505
low mass 0.74

Table 4.1: The time of the core merger (¢,,erge) in the low and high mass simulations (at both

low and fiducial resolution) using the WT and PNK0505 models.
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Figure 4.17: The AFs produced by low resolution simulations with low mass ICs (right) using

the WT model (top) and PNK0505 model (bottom) compared to simulations with unscaled

Milky Way like ICs (left). Here the AFs are plotted in different Ms#/Mpy o bins which is an

indicator of the evolutionary stage. The activity function is independent of the overall galaxy

mass for this resolution while it shows strong dependence on the evolutionary stage. Note that

the activity function represented by a delta function at A = 1 for some intermediate mass bins

during are not shown in this figure.
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Figure 4.18: The AFs produced by low resolution simulations with low mass ICs (right) using
the WT model (top) and PNK0505 model (bottom) compared to simulations with unscaled
Milky Way like ICs (left). The AF is shown during different stages of the evolution indicating

a strong dependence of the AF on the evolutionary state of the system

In summary, we have explicitly demonstrated how the activity function, at this
resolution, is at least qualitatively, mass invariant (the activity function is a property
of the evolutionary stage in major mergers instead of the overall galaxy mass or BH
mass): i.e. the same BH mass bins have different activity functions between the
two systems (different masses) while similar stages of evolution show similar activity

functions.
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Low Mass - Fiducial Resolution Simulations

Here we repeat the previous analysis but consider higher resolution (particle resolu-
tion) versions. We first highlight that the activity functions of the same models differ
between the low and fiducial resolution simulations. While the fiducial resolution
models exhibit steeper BH growth for ¢ < 600 Myr, the low resolution models show
major outbursts in activity (BH accretion & star formation) after the core merger
(Wurster and Thacker 2013b). Also lower particle resolution simulations yield a
higher final BH mass (Wurster and Thacker 2013b). For a detailed comparison of
the low and fiducial resolution simulations see Wurster and Thacker (2013a,b). In
the PNKO0505 model, such differences are reflected in the AF of the low resolution
simulations as an increase in activity at high Eddington ratios (A ~ 1) and therefore
a low-\ tail that extends to lower Eddington ratios (the feedback associated with ac-
cretion at higher Eddington ratio results in the lower accretion tail). The PNKO0505,
model also shows a less prominent low-\ peak at A ~ 7 x 1073. On the other hand,
the WT; model shows a low-A cut-off at higher Eddington ratios, when compared to
the fiducial (particle resolution) runs, which is consistent with more feedback energy
being returned to the surrounding gas (Wurster and Thacker 2013b). The AF of the
WT,; model also shows less activity at high Eddington ratios.

We compare the AFs of the fiducial resolution models using low and high mass
galaxies in figure 4.19. The low mass simulations were evolved for 1.2 Gyr only because
of time constraints. Note that stopping the simulation 300 Myr early will only reduce
AGN activity at low Eddington ratios as the Eddington ratio after 1.2 Gyr remains
at low values (A € [107° : 1074)).

Discussing the results of the PNK0505 model: The AF of the low mass simula-
tion qualitatively agrees with a Schechter function for A > 1072, The activity sharply
decreases for A < 1072 until a low-\ cut-off at A ~ 2 x 1072. Conversely, the AF of
the high mass (Milky Way like galaxies) simulation shows two peaks at A ~ 10~! and
A ~ 5 x 107% with a monotonically decreasing low-\ tail for A € [107* : 5 x 1073].

The discrepancy in the AFs of the low and high mass galaxies at low A (low A tail
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Figure 4.19: The AFs produced by fiducial resolution simulations with low mass ICs (\,, =
0.1) using the WT model (left) and PNKO0505 model (right) compared to simulations with
unscaled Milky Way like ICs. The low mass PNK0505 simulation qualitatively reproduces the
observed Schechter like AF for A > 1072,

v.s. sharp cut-off) is consistent with the low mass simulations having more frequent
accretion; therefore the tail produced by mass transfer from the ADP onto the BH is
constantly interrupted by accretion (see the discussion in the low-mass, low-resolution
simulations). The peak at A ~ 1072 is consistent with the Eddington ratio showing
little variation from said value after the merger, specifically ¢ > 850 Myr, which is
also consistent with the BH residing in a slowly changing environment. The sharp
decrease in activity at high-\ (A ~ 3 x 1071) reflects the intensity of the feedback cre-
ating a void around the BH in the high mass simulations which causes lower densities
around the BH.

The low mass simulations using the WT model show a flat AF for A > 5x1073.
The increase in activity at high Eddington ratios (A ~ 1) in the low mass simulation
is consistent with the increased BH growth during the merger. The W'T model also
exhibits less energetic feedback than the PNK model which allows a smooth transition
(recall the feedback in the PNK model caused a sharp drop in the accretion rates)
in the accretion rate between the merger and post merger epochs. Such a transition
extends the AF to intermediate Eddington ratios (A ~ 107%) with semi-constant
activity. The sharp drop in the AF of the low mass simulation at A ~ 5 x 1073 is
partly due to not extending the simulation to 1.5 Gyr, as well as the low feedback
energies being returned to the system, and the lower cooling time in the low mass
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simulations causing the BH to accrete at intermediate Eddington ratios. Note that
although not visible in the graph, the AGN in the low mass simulation is active at
low Eddington ratios (A € [107° : 1071]). However, the time spent at low Eddington
ratios is extremely short yielding values of m ~ 1072,

Figure 4.20 shows the AF of low and high mass fiducial resolution simulations
binned by BH mass. The AFs throughout the evolution of both low and high mass
galaxies show similar trends for each of the PNK0505 and WT models. During the
passive stages of the evolution the BH accretes at consistently lower Eddington ratios

causing the AF to shift to lower Eddington ratios with an exception being the core

merger.
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Figure 4.20: The mass dependent AFs produced by fiducial resolution simulations with low
mass ICs (right) using the WT (top) and PNK0505 (bottom) models compared to simulations
with unscaled Milky Way like ICs (left). Note that the activity function represented by a delta

function at A = 1 for some intermediate mass bins during are not shown in this figure.

Similar to the low resolution (particle resolution) simulations, the fiducial res-

olution simulations, at both high and low galaxy mass, yield activity functions that

shift to lower Eddington ratios during the passive stages of the evolution indicating

a weak dependence of the AF on the BH or galaxy mass and a strong dependence on
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the evolutionary state of the system. Figures 4.21 and 4.22 indicate an obvious shift

to low Eddington ratios during the passive stages of the evolution (high
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Figure 4.21: The AFs produced by fiducial resolution simulations with low mass ICs (right)

using the WT model (top) and PNK0505 model (bottom) compared to simulations with unscaled

Milky Way like ICs (left). Here the AFs are plotted in different Ms#/Mpy o bins which is an

indicator of the evolutionary stage. The activity function is independent of the overall galaxy

mass for this resolution while it shows strong dependence on the evolutionary stage. Note that

the activity function represented by a delta function at A = 1 for some intermediate mass bins

during are not shown in this figure.
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Figure 4.22: The AFs produced by fiducial resolution simulations with low mass ICs (right)
using the WT model (top) and PNK0505 model (bottom) compared to simulations with unscaled
Milky Way like ICs (left). The AF is shown during different stages of the evolution indicating

a strong dependence of the AF on the evolutionary state of the system.
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Chapter 5

CONCLUSIONS AND FUTURE WORK

5.1 CONCLUSIONS

This work focused on further understanding the predictions of simulated black hole
(BH) models in N-body, hydrodynamical galaxy merger simulations. This helps un-
cover the shortcomings of the models when compared with various observational con-
straints such as the quasar luminosity function. Improving the models is key if we are
to better understand the underlying physics of essential processes in galaxy evolution
such as BH accretion and AGN feedback.

The analysis presented in this work includes numerical simulations using the
following seven BH evolution and feedback models: BS, DQM, HPNK, ONB, PNK,
SDH, and WT (see §3); all of which were simulated, at both low and fiducial res-
olution, using the same numerical code (HYyDRA OMP), ICs!, star formation and
stellar feedback algorithms. Note that all the BH models were developed in previous
studies and were implemented in HYDRA _ OMP by Wurster and Thacker (2013a,b)
and Thacker et al. (2014). The analysis we present, includes an examination of the
differences resulting from numerical effects as well as changes in the ICs. However, our
primary conclusions pertain to the activity functions produced by the various models
and their dependence on free parameters, such as the accretion radius and viscous
timescales in the PNK model or the a parameter in the modified Bondi accretion
rate, as well as the mass of the merging galaxies.

Before listing our conclusions, we caution that some are based upon low res-
olution simulations which produce coarse and noisy results. Although, noisy results

can hide some of the underlying physics, low resolution simulations can still provide

!The same ICs were used at a given resolution except for the simulations of the low mass galaxies.
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a good first order test of the models which can be considered an upper limit for the

variations in the fiducial resolution simulations. That said, it is worth emphasizing

that even our low resolution models have significantly better mass resolution than

the current generation of cosmological simulations such as the Illustris Collaboration

(Vogelsberger et al. 2014; Genel et al. 2014) and the EAGLE project (Schaye et al.

2015). The primary conclusions are as follows.

i.

ii.

We tested differences amongst different runs of the same simulation using W'T;
and PNKO0505;. These variations in the final results are induced by numerical
artifacts such as rounding errors, and unavoidable truncation errors. The BH
mass, SFR, and accretion rate vary within 5%, 92%, and 43% from their respec-
tive averages. The instantaneous and intermediate values of the SFR and BH
mass show more variation. It is worth noting the difficulty in matching interme-
diate properties in the evolution of non-linear systems such as galaxy mergers.
On the other hand, the activity functions of different runs (with the same ICs)
agree well for high Eddington ratios (A > 1072). Because the low ) tail of the
AF is subject to changes due to the chaotic BH neighborhood, different runs may
differ at the low A end. However, all AFs produced by the different runs agree
qualitatively.

We also tested the effects of changing the rotational orientation of the gas com-
ponent in low resolution simulations using the the WT; model. Changing the
rotational orientation of the gas component of the galaxies causes changes in the
angular momentum of the remnant. Because of the self regulation of the system,
the final BH mass and SFR vary by less than 60% from their respective aver-
ages. However, changing the angular momentum of the gas component has some
distinct effects on the activity functions produced by such systems. The systems
with lower angular momentum show increasing activity at high A\ which causes

the low A tail to extend to lower Eddington ratios (due to feedback).
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iii.

iv.

vi.

The initial (seed) BH mass, plays a key role in the evolution of the system.
Increasing the BH seed mass manifests as a change in the initial accretion rate
and the feedback energy returned to the system. However, the self-regulated
system yields final BH masses, SFRs and accretion rates that vary within less
than 37% from their respective averages. Increasing the BH seed mass does,
however, produce significant differences in the activity function: The high A\ peak

in systems with higher BH seed masses is shifted to lower Eddington ratios.

The simulations used in this study, and many others, often use galaxies that are
aligned in one plane. This is not the case for all observed galaxies. Therefore
checking that the results are largely independent of galaxy orientation is key. We
have found that increasing the inclination of the galaxies causes a slight delay
in the merger time, but the final BH mass, SFR and accretion rates vary within
15% of their respective averages. The activity function at high Eddington ratios
remains unchanged as it is governed by the high accretion epochs. However, the
intermediate and low A activity is affected by the different properties of the rem-
nant (i.e. different morphology, angular momentum). Thus while intermediate

states may differ, final states are broadly the same.

Testing the differences due to ICs with different initial random seeds is also
important in numerical work. Small changes in the ICs should not yield significant
differences in the final results. Changing the IC random seed induced variations
within a factor of 2 in the final BH mass (within 5%), final SFR (within 93%)
and final accretion rate (within 70%). The activity functions produced by the
different simulations (with different seeds) vary only for low Eddington ratios

(A <3x1073).

None of the seven models produce the activity function inferred from observa-

tions when calculated over the multiple stages of the simulation. The models
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vil.

Viil.

iX.

produce a flat distribution (BS), a lognormal distribution (WT, DQM), a lognor-
mal distribution with a skewed high-\ tail (SDH), or an activity function with
an increasing low-\ tail and a peak at high Eddington ratios (PNK, HPNK).

Some models produce a Schechter like activity function that agrees (qualitatively)
with that inferred from observations during the passive stages of the evolution.
This could be an indicator of the sensitivity of the activity function to the gas

fraction.

Reducing the mass of the galaxy has a visible impact on the activity function
(integrated over different evolutionary stages). The activity function produced
by the low mass galaxies using the WT model is flat for A > 1072, The activity
function produced by the low mass galaxies using the PNK0505 model show a
Schechter like activity function. This, combined with the AF shifting to con-
sistently lower Eddington ratios during the passive stages of the evolution (for
both low and high mass galaxies at both low and high resolution), could also be
considered as an indicator of the sensitivity of the activity function to the gas

fraction and gas mass.

We have demonstrated that the models reproduce the observed (Kauffmann and
Heckman 2009; Hopkins and Hernquist 2009) mass-invariant activity functions:
The AF is independent of the overall galaxy mass. Instead the AF is a function

of the evolutionary state of the system.

The power spectrum of the Eddington ratio follows a 1/ f2 power law for all mod-
els which is consistent with the superposition of a decay in the Eddington ratio
(diminishing gas reservoir and increasing BH mass) and random noise (stochastic
accretion). The ONB model deposits feedback energy into the halo and therefore
does not affect the immediate neighborhood of the BH. Hence, ONB follows the
1/f? power law (with minimal deviation) with a peak at high frequency due to
the chaotic neighborhood as well as a flat, white noise like, power spectrum at

low frequencies (f ~ 1/1.5Gyr). Models that return feedback as heat, show an
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xi.

xii.

increase in the power for f € [0.3 : 25] Myr~! while still following a 1/f? power
law which may be attributed to the cooling timescales. They follow a power
spectrum of brown noise with driving terms (heating and cooling). On the other
hand, models returning feedback kinetically, show some peaks in the power at
intermediate frequencies which can be related to the re-collapse of the gas after

being ejected due to feedback.

Modifying the dependence of the modified Bondi accretion law used to calculate
the accretion rate can have some significant effects on the activity function. Using
a higher dependence on density, allows more activity at Eddington luminosities,
as well as more accretion at intermediate A and extends the low A tail to lower
Eddington ratios. However, despite considering a number of possible accretion
models, this still does not produce a monotonically decreasing low A tail as in a

Schechter function.

The PNK model has two main free parameters: the radius of accretion and the
viscous timescale. Changing the radius of accretion does not have a significant
impact on the AF. However, decreasing the viscous timescale allows material
to accrete faster onto the BH, therefore increasing the time spent at Eddington
luminosities. Because of the associated feedback, high accretion rates cause the

low A tail to extend to lower Eddington ratios.

5.2 FUTURE WORK

This work has demonstrated the dependence of the activity function on the evolution-

ary stage of the merger as well as galactic mass and other properties (i.e. rotational

orientation, BH mass). However, further research is required to draw conclusions

about the activity functions in a cosmological context and extend the analysis to all

BH models.

The simulations in this study used merging Milky-Way like galaxies in an iso-

lated environment. A more realistic approach would require simulating a catalogue of
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galaxies in a cosmological context. The galaxies in such a simulation will be subject
to various environmental effects (e.g. tidal effects, stripping effects, minor mergers)
which are suggested to be a cause of low luminosity AGN (e.g. Ellison et al. 2015).
Moreover, performing a similar analysis using a cosmological simulation provides a
variety of galaxy types with different properties. This will allow the comparison of in-
stantaneous AGN populations (quasar luminosity function) instead of time evolution
of one AGN (activity function). Although current efforts, such as the Illustris Collab-
oration (Vogelsberger et al. 2014; Genel et al. 2014) and the EAGLE project (Schaye
et al. 2015), simulate catalogues of galaxies in a cosmological context, they lack the
resolution (spatial and mass resolution) to study AGN evolution and feedback in de-
tail; even the low resolution models that were used in this study have significantly
better mass resolution (> 5 times) than the EAGLE and Illustris simulations. With
such coarse resolution, higher levels of sub-resolution (sub-grid) modeling are required
and the small resolution physics that governs BH accretion and feedback cannot be
resolved.

One can also enhance this study by altering the ICs to include halo substruc-
ture. Including substructure will allow depositing small packets of cold gas? into the
galactic core inducing accretion at low Eddington ratios. DM satellites can also create
density fluctuations (e.g. Dubinski et al. 2008, Gauthier et al. 2006) in the galactic
core which may have an effect on AGN accretion. It is clearly the case that accurate
simulation of the numerous factors that contribute to BH accretion is a challenge that
will remain for some considerable time.

The Eddington ratio power spectrum of the different models show some im-
portant features (i.e. peaks at distinct frequencies, 1/f? power law). Further analysis
is required to unveil the underlying physics. The effects of cooling on the power spec-
trum should be further investigated by varying the cooling rates (increase/decrease

cooling rates) as well as turning cooling off. One can also examine the temperature

2The gas can be either stripped from the DM halos or accreted into the core after the destruction
of the DM substructure. D’Onghia et al. (2010) showed that dynamical processes can destroy dark
matter substructure in the inner regions of the galactic halo.
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dependent gas fraction in the BH’s neighborhood which will further help understand
the effects of cooling on the environment. On the other hand, the source of the peaks
in the power spectrum of the kinetic feedback models can be investigated by varying
the feedback mechanism (heating, kinetic, or halo heating) in a given model. Also,
tracking the in/out-flowing gas flux in spherical shells centered at the BH will help
understand the dynamics of the inflow/outflow of gas. The aforementioned analysis
will enhance our understanding of the relationship between the feedback mechanisms
and some features in the Eddington ratio power spectrum.

In spite of the current progress, important questions regarding BH accretion
and AGN feedback remain unanswered. The details of BH accretion, the underly-
ing physics, and the processes contributing to accretion are not fully understood yet.
Moreover, it is still unclear whether the current AGN models properly represent the
impact of AGN feedback. Gabor and Bournaud (2014) suggest that high resolution
simulations including AGN feedback produce notably different results because feed-
back energy escapes along low density gradients above and below the galactic disc.
The results presented by Gabor and Bournaud (2014) imply that the current models
over-estimate the actual impact of AGN feedback in the galactic medium, which may
be the case. Further research is required to constrain the current BH evolution and
AGN feedback models and better model the effects of AGN feedback and the related

processes.
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